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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 4. Magnetic (red squares) and non-magnetic (black circle) Herbig
Ae/Be stars plotted in an HR diagram. The green triangle is the candidate
magnetic star HD 35929. Open circles correspond to HD 98922 (above
the birthline) and IL Cep (below the ZAMS) that fall outside of the PMS
region of the HR diagram, whose positions cannot be reproduced with the
theoretical evolutionary tracks considered in this paper. The CESAM PMS
evolutionary tracks for 1.5, 3, 6, 9 and 15 M⊙ (black full lines), 0.01, 0.1,
1 and 10 Myr isochrones (blue thin-dashed lines), and ZAMS (black dot–
dashed line) are also plotted. The birthline taken from BM01 is plotted with
a blue thick-dashed line.

varying between 0.01 and 1 M⊙ (depending on the mass and the
position of the stars in the HR diagram), we determined the mass,
radius and age of each star.

The errors have been determined using the intersection of the
evolutionary tracks with the error ellipses, as defined by the errors
in effective temperature, luminosity or surface gravity. When the
ellipses are intersecting the ZAMS or the birthline, only the portion
of the ellipse between the birthline and the ZAMS was considered.

The ages have been measured from the birthline, i.e the locus
in the HR diagram where the newly formed stars become observ-
able at optical wavelength, meaning that the CS matter in which
the stars were buried during the protostellar phase becomes opti-
cally thin. We used the birthline of BM01 that has been computed
with a mass accretion rate increasing with the luminosity of the
growing star. We favoured a birthline calculated with a modulated
accretion rate (instead of a constant accretion rate as computed by
Palla & Stahler 1993) as it better fits the upper envelope of the
distribution of massive Herbig Be stars in the HR diagram (see
Fig. 4). Furthermore, Palla & Stahler (1993, hereafter PS93) argue
that a constant accretion rate of 10−5 M⊙ yr−1 during the protostel-
lar phase is a good approximation as it fits well the upper envelope
of the known Herbig Ae/Be stars. However, their work was only
including HAeBe stars of masses lower than 6 M⊙. Since their
work, more massive stars have been identified as Herbig Be (e.g.
Vieira et al. 2003; Martayan et al. 2008), while intermediate-mass T
Tauri stars that are cooler and younger than Herbig Ae/Be star and
that are identified as the progenitors of the Herbig Ae/Be phases,
have also been found (e.g. Wolff et al. 2004; Hussain et al. 2009).
The latter are filling the right-hand part of the HR diagram (with
log Teff ≤ 3.8) and are evolving along the Hayashi track up to the
radiative phase of the PMS evolution. We are therefore convinced

that the BM01 birthline is a reasonable assumption for the start of
the PMS phase at all masses.

In Fig. 4 all the stars of our sample are plotted, with circles for
non-magnetic stars, squares for magnetic stars and a triangle for the
candidate magnetic star. The BM01 birthline and the CESAM ZAMS
are also overplotted. We observe that two points (the open circles)
are situated way outside of the theoretical limits of the PMS region
(from the birthline to the ZAMS), even taking into account their
error bars. For the two corresponding stars (HD 98922 and IL Cep)
we are therefore not able to estimate their mass, radius and age
using the CESAM theoretical tracks. For stars situated just below the
ZAMS, we have estimated the ranges of the parameters covered by
the intersection area between the error ellipse and the HR diagram,
and took the middle values. For the four magnetic stars, HD 190073,
HD 200775, HD 72106 and V380 Ori, we have adopted the masses
and radii reported in the papers that describe their spectroscopic and
magnetic analyses (Catala et al. 2007; Alecian et al. 2008a; Folsom
et al. 2008; Alecian et al. 2009b). However, we have redetermined
their ages as different birthlines were used in these papers.

This method takes into account neither the uncertainties in the
metallicity (however, see Section 4.2), nor the choice of the birth-
line. The inferred masses, radii and ages are therefore approximate,
but will be useful when considering comparisons between the stars
themselves. The masses, radii and ages are summarized in Table 2.
In the same table we also give the PMS duration for each star, and
the predicted radius that each star will have once it reaches the
ZAMS. Both have been calculated by assuming a mass-constant
evolution for each star. The PMS duration has been computed from
the birthline. In the case of HD 34282, we did not calculate the
ZAMS radius and the PMS duration because our models are of
solar metallicity. HD 98922 and IL Cep fall well outside of the
HR diagram, even when the errors on their temperatures and lumi-
nosities are taken into account. Furthermore, no distance, accurate
enough to estimate a luminosity with reasonable error bars, could
be found for HD 250550. Therefore no age, mass, radius, ZAMS
radius and PMS duration could be estimated for these stars.

5 TH E L E A S T- S QUA R E S D E C O N VO L U T I O N
PROFILE ANALYSIS

5.1 The LSD method

In order to increase the S/N of our line profiles, we applied the
LSD procedure to all spectra (Donati et al. 1997). This procedure
combines the information contained in many metal lines of the
spectrum, in order to extract the mean intensity (Stokes I) and po-
larized (Stokes V) line profiles. In Stokes I, each line is weighted
according to its central depth, while in Stokes V the profiles are
weighted according to the product of the central depth, wavelength
and Landé factor. These parameters are contained in a ‘line mask’
derived from a synthetic spectrum corresponding to the effective
temperature and gravity of the star given in Table 2. The construc-
tion of the line mask for each star involved several steps. First, we
used Kurucz ATLAS 9 models (Kurucz 1993) to obtain generic masks
of solar abundances, and of Teff/log g following the Kurucz models
grid. Our masks contain only lines with intrinsic depths larger or
equal to 0.1, which, according to the S/N of our data, is sufficient.
We then excluded from the masks hydrogen Balmer lines, strong
resonance lines and lines whose Landé factor is unknown. At this
stage, the mask contains all predicted lines satisfying the initial as-
sumption of the LSD procedure, i.e. a similar shape for all spectral
lines considered in the procedure. In the following this mask will be
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3.2 He I

Our He I model atom consists of 19 lowest energy states. The spin of the two electrons in each state can add up to 1 or 0, so the 19 states can
be separated, according to the degeneracies of the total spin, into a ladder of triplets and one of singlets, since radiative transitions across the
ladders are forbidden by the electric dipole selection rules. For the same energy quantum number n, the angular momentum states l = 1 − n,
unlike those in the case of H I, are separated in energy by many thermal Doppler widths, so we treat them as distinct energy levels. Thus, our
19-level atom consists of 10 singlets with energy quantum number n = 1–4 and nine triplets with energy quantum number n = 2–4. Fig. 2
shows a schematic diagram of the 11 n = 1–3 levels and indicates several important transitions.

The lower level of the λ10830 transition is highly metastable. Its radiative decay rate is only 1.7 × 10−4 s−1. For our explored density
and temperature ranges, collisions with electrons provide the speediest way of returning population to the ground state. A more important
route than direct collisional de-excitation is collisional excitation to the singlet 2s 1S, followed by another collisional excitation to 2p 1P and
then emission of a λ584 photon, which can either escape or photoionize hydrogen. The latter means of depleting λ584 photons is particularly
important, once τHe Iλ584 becomes large. To determine its rate of depopulating 2p 1P, we note that the mean free path for hydrogen ionization
is lHiz = 1/(NH I σ 584A), where σ 584A is the photoionization cross-section at 584Å, while the absorption mean free path, averaged over a
thermally broadened profile, is

labs ≈ 8π$vD[ln(τHe Iλ584 + 2.72)]0.5

BluhcNHe I

, (6)

where $vD = (2kT/mHe)0.5 is the helium thermal Doppler velocity width and Blu is the Einstein stimulated absorption coefficient. The rate
(s−1) of depopulating 2p 1P due to λ584 ionizing hydrogen is then given by the product of the spontaneous emission rate, AHe Iλ584, and the
ratio labs/lHiz. As an illustration, in the case when hydrogen and helium are mainly neutral, this rate is about 2 × 10−3 AHe Iλ584, but almost
2AHe Iλ20581. This process is important in determining not only the population in excited singlets, but also, through the reduced population flow
from singlets to triplets via collisions, the triplet population.

The ionization of hydrogen by λ584 photons also affects the hydrogen ionization structure, but only slightly. If helium excitation is
produced primarily by UV continuum photoionization, the production rate (s−1 cm−3) of λ584 photons must be less than the rate of continuum
photoionization or NHe Iγ He I. The rate of hydrogen ionization by λ584 photons is then less than NHe Iγ He I = 0.079 NHγ He I, which is less than
the rate of continuum photoionization of hydrogen, NH Iγ H I. If thermal motion is the energy source for helium excitation, then collisional
excitation and ionization are much more efficient for hydrogen than for helium. Therefore, we have not implemented this coupling between
the two ionization structures, which would require an iterative procedure.

In analogy to λ584 photons ionizing hydrogen, Lyα photons can ionize helium from its two metastable states, 2s 3S and 2s 1S,
which will have the bulk of the excited-state population. This ionization rate (s−1) is readily deduced from the earlier derivation. It equals
N2ALyαlabsσ 1216A, where N2 is the hydrogen population in n = 2, labs is the analogous Lyα absorption mean free path and σ 1216A is the 2s 3S
or 2s 1S photoionization cross-section at 1216Å. We have included this process in addition to the usual photoionizations by the stellar and
veiling continua. The corollary effect of depopulating the hydrogen n = 2 level is insignificant, as we have verified from the results of the
calculations.

Figure 2. Energy level diagram of He I, not drawn to scale.

C⃝ 2010 The Authors, MNRAS 411, 2383–2425
Monthly Notices of the Royal Astronomical Society C⃝ 2010 RAS
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A spectroscopic rotation study of HAeBe stars 1031

Figure 3. Angular momentum of the sample as a function of age, assuming
an SR with a normal y-axis scale (upper) and a logarithmic y-axis scale
(bottom). The circles represent the normal stars, while the squares represent
the magnetic stars. The symbols are defined as follows. Large symbol: M >

10 M⊙, medium filled symbol: 7 < M < 10 M⊙, medium open symbol:
5 < M < 7 M⊙ and small symbol: M < 5 M⊙. The black lines plotted
in the bottom panel are the predicted JSR of a sample of stars evolving at
constant angular momentum, with a mass–age correlation similar to that
of our sample (see Section 2), and with v sin i of 10 (dashed), 50 (triple
dot–dashed), 100 (long dashed) and 250 km s−1(dot–dashed). The bumps
observed around 1 Myr mark the transition between fully radiative stars (on
the left of the bump) and stars with a convective core (on the right). The
upper or lower error bars in J that appear very small are for stars very close
to the birthline or the ZAMS.

while the magnetic stars are those with strong detected magnetic
fields, there is still the possibility that, in the sample of the ‘non-
magnetic’ stars, some stars could host magnetic fields too faint to be
detected (see Paper III). If such fields exist they could enhance the
loss of angular momentum through an exchange of matter occurring
during the PMS phase of their evolution. We therefore performed
an analysis of the angular momentum of the non-magnetic stars in
order to understand their angular momentum evolution during the
PMS phase.

In Fig. 3, while the angular momenta of the normal stars gen-
erally spread from JSR = 0 to a maximum value, which is due to
the uncorrected sin i factor, the maximum value clearly decreases
with age whatever the mass be. In the non-logarithmic plot (Fig.
5 top), this trend is most significant in the middle subsample with
masses between 5 and 10 M⊙ (medium open and filled circles). We

checked that at these masses the trend is not due to the age–mass
correlation pointed out in Section 2 by observing that the graph
area covered by a 5–7 M⊙ subsample (open medium circles) is
approximately the same as the area covered by a 7–10 M⊙ subsam-
ple (filled medium circle). Furthermore, between 5 and 10 M⊙, as
pointed out in Section 2, no correlation of the age and the mass is
observed.

In the logarithmic plot of the angular momentum (Fig. 3 bottom),
a clear decrease of the angular momentum of the stars with masses
below 5 M⊙ (small open circles) is observed. However, at these
masses, a strong age–mass correlation is present in our sample. In
order to check if it can explain this decrease, we have calculated
the expected angular momentum of a simulated sample of stars of
various masses between 1.5 and 5 M⊙, evolving at constant angular
momentum, with ages following the correlation found in Section 2,
and for four v sin i: 10, 50, 100 and 250 km s−1. We observe (Fig. 3
bottom) that the trend is well reproduced by the angular momentum
of the simulated sample, and that most of the lower mass stars lie
between the curves of 50 and 250 km s−1 in v sin i, values that
are consistent with v sin i of most of our stars. Therefore, the age–
mass correlation of our sample at lower mass can explain alone the
decrease of the angular momentum observed in Fig. 3 (bottom).

In order to test the impact of the choice of the internal rotation
profile, we did the same plotting using the total stellar angular
momentum computed by assuming a CS. While the total angular
momentum of the stars is generally found to be larger than that in the
case of an SR, we obtain a similar plot, with the same general trend of
the maximum values decreasing with time for stellar masses above
5 M⊙. At lower mass, a trend similar to the SR case is observed and
is also fully explained with the age–mass correlation that our sample
shows at these masses. We therefore find that, whatever be the stellar
internal rotation profile considered, the highest mass (M > 5 M⊙)
PMS stars seem to lose angular momentum as they evolve towards
the ZAMS, while the lower mass stars seem to evolve with constant
angular momentum.

4 A NA LY S I S O F TH E P RO J E C T E D
ROTAT I O NA L V E L O C I T I E S

4.1 The magnetic stars

A strong dichotomy is observed in the rotation velocities of non-
magnetic and magnetic MS A/B (e.g. Abt & Morrell 1995): the
former are fast rotators, while the latter are much slower rota-
tors (with rotational periods generally longer than one day). In
order to understand this dichotomy and its evolution, we have plot-
ted, in Fig. 4, the v sin i distributions of the magnetic (right) and

Figure 4. The v sin i histograms of the magnetic (right) and the non-
magnetic (left) HAeBe stars.
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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 3
Magnetic field morphology of V2129 Oph, showing (a) complex high-order fields and (b) a large-scale, dipole-like magnetic field
(Donati et al. 2007, Gregory et al. 2008). The large-scale field is tilted by ∼20◦ from the disk, which leads to formation of a funnel flow
that connects to the star near the pole. (c) A slice of the density in the accretion flow of V2129 Oph from Alencar et al. (2012), based on
simulations by Romanova et al. (2011) of how matter would flow along the magnetic field lines. Magnetic field figures courtesy of J.-F.
Donati, S. Gregory, and M. Jardine.

of rotational modulation of the polarization of photospheric lines and in the narrow components
of emission lines have been used to reconstruct the large-scale topology of the magnetic field and
the distribution of accretion spots. These techniques reveal magnetic fields with strong multipolar
components and distributions of spots inhomogeneous in latitude and longitude, with preference
toward the magnetic poles (see Donati et al. 2008).

As an example, Figure 3 shows the reconstructed magnetic field of V2129 Oph, indicating
separately the complex 1.2-kG octupolar surface field and the 0.35-kG dipolar large-scale field,
the latter tilted relative to the stellar rotation axis by 20◦ (Donati et al. 2007, Gregory et al.
2008). In these magnetic field maps, the quadrupolar fields are assumed to be negligible because
their presence would channel the accretion flow to equatorial locations on the star, in contrast
to the detections of polar accretion spots. The weaker dipole fields found in Zeeman–Doppler
imaging campaigns lead to smaller truncation radii than if the total magnetic flux is used (Bessolaz
et al. 2008, Johnstone et al. 2014). However, the dipole field strengths of dark spots may be
underestimated, depending on whether the surface filling factor is considered (Chen & Johns-
Krull 2013) or if magnetic flux cancellation is important (see the review by Hussain & Alecian
2014). In any case, a truncation radius near or inside corotation is consistent with the structure
of the inner disk (see the review by Dullemond & Monnier 2010), including the inner radius of
CO emission (Najita et al. 2003, Salyk et al. 2011). These truncation radii are also consistent with
the location of extinction events, which are caused by disk warps associated with accretion along
inclined dipoles (e.g., Bouvier et al. 2007, McGinnis et al. 2015) and have periods that are roughly
consistent with corotation.

Magnetohydrodynamic (MHD) simulations in two and three dimensions of the accretion flows
in rotating stars with tilted dipolar fields predict that matter flows toward the star in two funnels
for high tilt angle and in multiple funnels for low tilt angle. The distribution of hot spots, spot
covering area, and distribution of spot temperature and density all depend on the tilt angle and
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Figure 3
Magnetic field morphology of V2129 Oph, showing (a) complex high-order fields and (b) a large-scale, dipole-like magnetic field
(Donati et al. 2007, Gregory et al. 2008). The large-scale field is tilted by ∼20◦ from the disk, which leads to formation of a funnel flow
that connects to the star near the pole. (c) A slice of the density in the accretion flow of V2129 Oph from Alencar et al. (2012), based on
simulations by Romanova et al. (2011) of how matter would flow along the magnetic field lines. Magnetic field figures courtesy of J.-F.
Donati, S. Gregory, and M. Jardine.

of rotational modulation of the polarization of photospheric lines and in the narrow components
of emission lines have been used to reconstruct the large-scale topology of the magnetic field and
the distribution of accretion spots. These techniques reveal magnetic fields with strong multipolar
components and distributions of spots inhomogeneous in latitude and longitude, with preference
toward the magnetic poles (see Donati et al. 2008).

As an example, Figure 3 shows the reconstructed magnetic field of V2129 Oph, indicating
separately the complex 1.2-kG octupolar surface field and the 0.35-kG dipolar large-scale field,
the latter tilted relative to the stellar rotation axis by 20◦ (Donati et al. 2007, Gregory et al.
2008). In these magnetic field maps, the quadrupolar fields are assumed to be negligible because
their presence would channel the accretion flow to equatorial locations on the star, in contrast
to the detections of polar accretion spots. The weaker dipole fields found in Zeeman–Doppler
imaging campaigns lead to smaller truncation radii than if the total magnetic flux is used (Bessolaz
et al. 2008, Johnstone et al. 2014). However, the dipole field strengths of dark spots may be
underestimated, depending on whether the surface filling factor is considered (Chen & Johns-
Krull 2013) or if magnetic flux cancellation is important (see the review by Hussain & Alecian
2014). In any case, a truncation radius near or inside corotation is consistent with the structure
of the inner disk (see the review by Dullemond & Monnier 2010), including the inner radius of
CO emission (Najita et al. 2003, Salyk et al. 2011). These truncation radii are also consistent with
the location of extinction events, which are caused by disk warps associated with accretion along
inclined dipoles (e.g., Bouvier et al. 2007, McGinnis et al. 2015) and have periods that are roughly
consistent with corotation.

Magnetohydrodynamic (MHD) simulations in two and three dimensions of the accretion flows
in rotating stars with tilted dipolar fields predict that matter flows toward the star in two funnels
for high tilt angle and in multiple funnels for low tilt angle. The distribution of hot spots, spot
covering area, and distribution of spot temperature and density all depend on the tilt angle and
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Figure 5. LSD Stokes I (bottom) and V (top) profiles of the non-magnetic
Herbig Ae star 49 Cet (left) and the magnetic Herbig Ae star V380 Ori
(right). The diagnostic N profile is also plotted in the middle. V and N have
been shifted on the Y-axis, and magnified by a factor of 10 for 49 Cet and
by a factor of 2 for V380 Ori, for display purposes.

called the ‘full mask’. Finally, each mask was carefully examined
in order to exclude lines predicted by the models, but not appearing
in the spectrum, as well as lines contaminated by non-photospheric
features. This final ‘cleaning’ procedure is explained in Section 5.2
and detailed for each star in Appendix A. Following this proce-
dure, we executed LSD using the full and cleaned masks and the
observed spectra, obtaining for each star the mean intensity Stokes
I profile, the mean circularly polarized Stokes V profile and the
null N profile. Fig. 5 shows the LSD I, V and N profiles for two
stars: one with a magnetic field detection and one without. In both
cases, as well as in all of our observations, the N profiles are null
indicating the absence of spurious polarization signals, and con-
firming that the Zeeman signatures detected in the magnetic stars
are real. The use of two separate masks per star is justified in the
following sections. The analysis of the LSD I profile and the rota-
tion velocity measurements are described in Section 5.2, while the
magnetic analysis performed using the I and V profiles is detailed in
Section 6.

The LSD method implies that all lines of the spectra have a similar
shape, differing only in their relative strength. The strengths depend
on the central depth when the method is applied to an I spectrum,
and on the central depth and Landé factor for a polarized V spectrum.
This hypothesis is reasonable for purely photospheric lines. How-
ever, in the case of a spectrum contaminated with CS features, these
hypotheses should be discussed. The CS features contaminating the
photospheric lines of the spectra of the Herbig Ae/Be stars have the
same shape (except in few lines like the Balmer, Ca II H&K or Na
D lines, which are removed from the mask). However, their relative
strength is not dependent on the central depths of the photospheric
lines, which are used to weight each line in the LSD procedure.
Therefore, the LSD method, by averaging the contaminated lines,
applies inappropriate weights to the CS contribution, while tak-
ing correctly into account the different weights of the photospheric
lines. In the LSD procedure, using wrong weights does not change
the global shape of the resulting profile; however, its relative strength
(with respect to the V profile, for example) cannot be trusted. There-
fore, the strength of the CS contribution of our LSD I profiles must
be investigated in more detail before it can be reliably used to drawn
any quantitative conclusions. However, its shape can be modelled
and removed to be able to analyse the photospheric contribution of
the I profile, which is one of the interests for this paper. We de-
scribe in the following section how the CS contamination has been
handled in this study.

5.2 Fitting of the LSD I profiles

The LSD I profiles computed with the full mask reveal a rather
complex average of the lines of the spectrum included in the line
mask. Most HAeBe stars show CS emission and absorption in their
spectrum; these effects are also reflected in the LSD profiles. Those
lines that are most strongly contaminated by CS emission can be
easily identified directly in the spectrum itself, and excluded from
the mask. For some of the stars, the resulting LSD profiles show a
relatively clean rotational profile indicative of simple photospheric
absorption. For others, the resulting profiles still show significant CS
absorption and/or emission that is not possible to remove by further
refinement of the line mask. However, the investigations of rotation
and magnetic fields in Papers II and III require that we are able
to extract an approximation of the uncontaminated photospheric
profiles in order to infer v sin i and to model the magnetic constraint
imposed by Stokes V.

To characterize the various contributions to the LSD I profiles,
we have performed a least-squares fit to each of the LSD I pro-
files using several models. In the first case we consider a simple
photospheric profile modelled using the convolution of a rotation
function (depending on the projected rotational velocity v sin i and
the radial velocity of the star vrad), and a Gaussian (approximating
the local photospheric profile) whose width is fixed and computed
from the spectral resolution and the macroturbulent velocity (Gray
1992). This convolution will be called the photospheric function.
The free parameters of the fitting procedure are the line depth, v sin i
and vrad. In order to fit the wings of the observed LSD profiles of
our sample, a macroturbulent velocity (vmac) is frequently required
to be added to the model. Only a few stars of our sample have LSD
I profiles suitable for estimating the value of vmac, and the typical
value is found to be around 2 km s−1. The other stars of our sample
(i.e. most of them) display too large a Doppler broadening, and/or
the wings of the profile are sufficiently contaminated by CS fea-
tures, that they do not allow us to obtain useful information about
vmac. Nonetheless, we assumed that a macroturbulent velocity field
is present near the surface of the star, and we adopted for all the
stars an isotropic macroturbulent velocity of 2 km s−1. However,
taking into account a vmac ∼ 2 km s−1 seems to improve the fit,
when fitting with the eye, only for stars with v sin i lower than
40 km s−1. In order to estimate the error on the v sin i introduced
by fixing vmac, we varied the value of vmac between 0 and 4 km s−1,
and we find that it introduces significant variations of v sin i only
if v sin i is lower than 10 km s−1. For v sin i between 10 and 40
km s−1, changing vmac modifies the value of v sin i within the error
bars. For v sin i larger than 40 km s−1, changing vmac has no impact
on v sin i. The macroturbulent velocity is therefore not a significant
parameter to be considered within this fitting procedure. It has been
included in all the fitted models for consistency from one star to the
other, but should only be considered with caution at very low v sin i
(lower than 10 km s−1).

The second model considers one or more Gaussian functions
meant to model the CS features present in the LSD I profile. These
functions are added to the photospheric function with the aim of
providing the best reproduction of the observed profile. The pa-
rameters of each Gaussian contributing to the CS function are the
full width at half-maximum (FWHM), the centroid position and the
amplitude. The amplitude may be either positive or negative, cor-
responding to emission or absorption contributions. Depending on
the star analysed, we require between zero and four CS functions
to fit the Stokes I profile. Hence, the number of fitting parame-
ters required to reproduce the LSD I profiles ranges from 3 to 15.

V380(Ori(

Zeeman(broadening((
((((((!(field(strength(
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Figure 5. LSD Stokes I (bottom) and V (top) profiles of the non-magnetic
Herbig Ae star 49 Cet (left) and the magnetic Herbig Ae star V380 Ori
(right). The diagnostic N profile is also plotted in the middle. V and N have
been shifted on the Y-axis, and magnified by a factor of 10 for 49 Cet and
by a factor of 2 for V380 Ori, for display purposes.

called the ‘full mask’. Finally, each mask was carefully examined
in order to exclude lines predicted by the models, but not appearing
in the spectrum, as well as lines contaminated by non-photospheric
features. This final ‘cleaning’ procedure is explained in Section 5.2
and detailed for each star in Appendix A. Following this proce-
dure, we executed LSD using the full and cleaned masks and the
observed spectra, obtaining for each star the mean intensity Stokes
I profile, the mean circularly polarized Stokes V profile and the
null N profile. Fig. 5 shows the LSD I, V and N profiles for two
stars: one with a magnetic field detection and one without. In both
cases, as well as in all of our observations, the N profiles are null
indicating the absence of spurious polarization signals, and con-
firming that the Zeeman signatures detected in the magnetic stars
are real. The use of two separate masks per star is justified in the
following sections. The analysis of the LSD I profile and the rota-
tion velocity measurements are described in Section 5.2, while the
magnetic analysis performed using the I and V profiles is detailed in
Section 6.

The LSD method implies that all lines of the spectra have a similar
shape, differing only in their relative strength. The strengths depend
on the central depth when the method is applied to an I spectrum,
and on the central depth and Landé factor for a polarized V spectrum.
This hypothesis is reasonable for purely photospheric lines. How-
ever, in the case of a spectrum contaminated with CS features, these
hypotheses should be discussed. The CS features contaminating the
photospheric lines of the spectra of the Herbig Ae/Be stars have the
same shape (except in few lines like the Balmer, Ca II H&K or Na
D lines, which are removed from the mask). However, their relative
strength is not dependent on the central depths of the photospheric
lines, which are used to weight each line in the LSD procedure.
Therefore, the LSD method, by averaging the contaminated lines,
applies inappropriate weights to the CS contribution, while tak-
ing correctly into account the different weights of the photospheric
lines. In the LSD procedure, using wrong weights does not change
the global shape of the resulting profile; however, its relative strength
(with respect to the V profile, for example) cannot be trusted. There-
fore, the strength of the CS contribution of our LSD I profiles must
be investigated in more detail before it can be reliably used to drawn
any quantitative conclusions. However, its shape can be modelled
and removed to be able to analyse the photospheric contribution of
the I profile, which is one of the interests for this paper. We de-
scribe in the following section how the CS contamination has been
handled in this study.

5.2 Fitting of the LSD I profiles

The LSD I profiles computed with the full mask reveal a rather
complex average of the lines of the spectrum included in the line
mask. Most HAeBe stars show CS emission and absorption in their
spectrum; these effects are also reflected in the LSD profiles. Those
lines that are most strongly contaminated by CS emission can be
easily identified directly in the spectrum itself, and excluded from
the mask. For some of the stars, the resulting LSD profiles show a
relatively clean rotational profile indicative of simple photospheric
absorption. For others, the resulting profiles still show significant CS
absorption and/or emission that is not possible to remove by further
refinement of the line mask. However, the investigations of rotation
and magnetic fields in Papers II and III require that we are able
to extract an approximation of the uncontaminated photospheric
profiles in order to infer v sin i and to model the magnetic constraint
imposed by Stokes V.

To characterize the various contributions to the LSD I profiles,
we have performed a least-squares fit to each of the LSD I pro-
files using several models. In the first case we consider a simple
photospheric profile modelled using the convolution of a rotation
function (depending on the projected rotational velocity v sin i and
the radial velocity of the star vrad), and a Gaussian (approximating
the local photospheric profile) whose width is fixed and computed
from the spectral resolution and the macroturbulent velocity (Gray
1992). This convolution will be called the photospheric function.
The free parameters of the fitting procedure are the line depth, v sin i
and vrad. In order to fit the wings of the observed LSD profiles of
our sample, a macroturbulent velocity (vmac) is frequently required
to be added to the model. Only a few stars of our sample have LSD
I profiles suitable for estimating the value of vmac, and the typical
value is found to be around 2 km s−1. The other stars of our sample
(i.e. most of them) display too large a Doppler broadening, and/or
the wings of the profile are sufficiently contaminated by CS fea-
tures, that they do not allow us to obtain useful information about
vmac. Nonetheless, we assumed that a macroturbulent velocity field
is present near the surface of the star, and we adopted for all the
stars an isotropic macroturbulent velocity of 2 km s−1. However,
taking into account a vmac ∼ 2 km s−1 seems to improve the fit,
when fitting with the eye, only for stars with v sin i lower than
40 km s−1. In order to estimate the error on the v sin i introduced
by fixing vmac, we varied the value of vmac between 0 and 4 km s−1,
and we find that it introduces significant variations of v sin i only
if v sin i is lower than 10 km s−1. For v sin i between 10 and 40
km s−1, changing vmac modifies the value of v sin i within the error
bars. For v sin i larger than 40 km s−1, changing vmac has no impact
on v sin i. The macroturbulent velocity is therefore not a significant
parameter to be considered within this fitting procedure. It has been
included in all the fitted models for consistency from one star to the
other, but should only be considered with caution at very low v sin i
(lower than 10 km s−1).

The second model considers one or more Gaussian functions
meant to model the CS features present in the LSD I profile. These
functions are added to the photospheric function with the aim of
providing the best reproduction of the observed profile. The pa-
rameters of each Gaussian contributing to the CS function are the
full width at half-maximum (FWHM), the centroid position and the
amplitude. The amplitude may be either positive or negative, cor-
responding to emission or absorption contributions. Depending on
the star analysed, we require between zero and four CS functions
to fit the Stokes I profile. Hence, the number of fitting parame-
ters required to reproduce the LSD I profiles ranges from 3 to 15.
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Figure 5. LSD Stokes I (bottom) and V (top) profiles of the non-magnetic
Herbig Ae star 49 Cet (left) and the magnetic Herbig Ae star V380 Ori
(right). The diagnostic N profile is also plotted in the middle. V and N have
been shifted on the Y-axis, and magnified by a factor of 10 for 49 Cet and
by a factor of 2 for V380 Ori, for display purposes.

called the ‘full mask’. Finally, each mask was carefully examined
in order to exclude lines predicted by the models, but not appearing
in the spectrum, as well as lines contaminated by non-photospheric
features. This final ‘cleaning’ procedure is explained in Section 5.2
and detailed for each star in Appendix A. Following this proce-
dure, we executed LSD using the full and cleaned masks and the
observed spectra, obtaining for each star the mean intensity Stokes
I profile, the mean circularly polarized Stokes V profile and the
null N profile. Fig. 5 shows the LSD I, V and N profiles for two
stars: one with a magnetic field detection and one without. In both
cases, as well as in all of our observations, the N profiles are null
indicating the absence of spurious polarization signals, and con-
firming that the Zeeman signatures detected in the magnetic stars
are real. The use of two separate masks per star is justified in the
following sections. The analysis of the LSD I profile and the rota-
tion velocity measurements are described in Section 5.2, while the
magnetic analysis performed using the I and V profiles is detailed in
Section 6.

The LSD method implies that all lines of the spectra have a similar
shape, differing only in their relative strength. The strengths depend
on the central depth when the method is applied to an I spectrum,
and on the central depth and Landé factor for a polarized V spectrum.
This hypothesis is reasonable for purely photospheric lines. How-
ever, in the case of a spectrum contaminated with CS features, these
hypotheses should be discussed. The CS features contaminating the
photospheric lines of the spectra of the Herbig Ae/Be stars have the
same shape (except in few lines like the Balmer, Ca II H&K or Na
D lines, which are removed from the mask). However, their relative
strength is not dependent on the central depths of the photospheric
lines, which are used to weight each line in the LSD procedure.
Therefore, the LSD method, by averaging the contaminated lines,
applies inappropriate weights to the CS contribution, while tak-
ing correctly into account the different weights of the photospheric
lines. In the LSD procedure, using wrong weights does not change
the global shape of the resulting profile; however, its relative strength
(with respect to the V profile, for example) cannot be trusted. There-
fore, the strength of the CS contribution of our LSD I profiles must
be investigated in more detail before it can be reliably used to drawn
any quantitative conclusions. However, its shape can be modelled
and removed to be able to analyse the photospheric contribution of
the I profile, which is one of the interests for this paper. We de-
scribe in the following section how the CS contamination has been
handled in this study.

5.2 Fitting of the LSD I profiles

The LSD I profiles computed with the full mask reveal a rather
complex average of the lines of the spectrum included in the line
mask. Most HAeBe stars show CS emission and absorption in their
spectrum; these effects are also reflected in the LSD profiles. Those
lines that are most strongly contaminated by CS emission can be
easily identified directly in the spectrum itself, and excluded from
the mask. For some of the stars, the resulting LSD profiles show a
relatively clean rotational profile indicative of simple photospheric
absorption. For others, the resulting profiles still show significant CS
absorption and/or emission that is not possible to remove by further
refinement of the line mask. However, the investigations of rotation
and magnetic fields in Papers II and III require that we are able
to extract an approximation of the uncontaminated photospheric
profiles in order to infer v sin i and to model the magnetic constraint
imposed by Stokes V.

To characterize the various contributions to the LSD I profiles,
we have performed a least-squares fit to each of the LSD I pro-
files using several models. In the first case we consider a simple
photospheric profile modelled using the convolution of a rotation
function (depending on the projected rotational velocity v sin i and
the radial velocity of the star vrad), and a Gaussian (approximating
the local photospheric profile) whose width is fixed and computed
from the spectral resolution and the macroturbulent velocity (Gray
1992). This convolution will be called the photospheric function.
The free parameters of the fitting procedure are the line depth, v sin i
and vrad. In order to fit the wings of the observed LSD profiles of
our sample, a macroturbulent velocity (vmac) is frequently required
to be added to the model. Only a few stars of our sample have LSD
I profiles suitable for estimating the value of vmac, and the typical
value is found to be around 2 km s−1. The other stars of our sample
(i.e. most of them) display too large a Doppler broadening, and/or
the wings of the profile are sufficiently contaminated by CS fea-
tures, that they do not allow us to obtain useful information about
vmac. Nonetheless, we assumed that a macroturbulent velocity field
is present near the surface of the star, and we adopted for all the
stars an isotropic macroturbulent velocity of 2 km s−1. However,
taking into account a vmac ∼ 2 km s−1 seems to improve the fit,
when fitting with the eye, only for stars with v sin i lower than
40 km s−1. In order to estimate the error on the v sin i introduced
by fixing vmac, we varied the value of vmac between 0 and 4 km s−1,
and we find that it introduces significant variations of v sin i only
if v sin i is lower than 10 km s−1. For v sin i between 10 and 40
km s−1, changing vmac modifies the value of v sin i within the error
bars. For v sin i larger than 40 km s−1, changing vmac has no impact
on v sin i. The macroturbulent velocity is therefore not a significant
parameter to be considered within this fitting procedure. It has been
included in all the fitted models for consistency from one star to the
other, but should only be considered with caution at very low v sin i
(lower than 10 km s−1).

The second model considers one or more Gaussian functions
meant to model the CS features present in the LSD I profile. These
functions are added to the photospheric function with the aim of
providing the best reproduction of the observed profile. The pa-
rameters of each Gaussian contributing to the CS function are the
full width at half-maximum (FWHM), the centroid position and the
amplitude. The amplitude may be either positive or negative, cor-
responding to emission or absorption contributions. Depending on
the star analysed, we require between zero and four CS functions
to fit the Stokes I profile. Hence, the number of fitting parame-
ters required to reproduce the LSD I profiles ranges from 3 to 15.
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Figure 3
Magnetic field morphology of V2129 Oph, showing (a) complex high-order fields and (b) a large-scale, dipole-like magnetic field
(Donati et al. 2007, Gregory et al. 2008). The large-scale field is tilted by ∼20◦ from the disk, which leads to formation of a funnel flow
that connects to the star near the pole. (c) A slice of the density in the accretion flow of V2129 Oph from Alencar et al. (2012), based on
simulations by Romanova et al. (2011) of how matter would flow along the magnetic field lines. Magnetic field figures courtesy of J.-F.
Donati, S. Gregory, and M. Jardine.

of rotational modulation of the polarization of photospheric lines and in the narrow components
of emission lines have been used to reconstruct the large-scale topology of the magnetic field and
the distribution of accretion spots. These techniques reveal magnetic fields with strong multipolar
components and distributions of spots inhomogeneous in latitude and longitude, with preference
toward the magnetic poles (see Donati et al. 2008).

As an example, Figure 3 shows the reconstructed magnetic field of V2129 Oph, indicating
separately the complex 1.2-kG octupolar surface field and the 0.35-kG dipolar large-scale field,
the latter tilted relative to the stellar rotation axis by 20◦ (Donati et al. 2007, Gregory et al.
2008). In these magnetic field maps, the quadrupolar fields are assumed to be negligible because
their presence would channel the accretion flow to equatorial locations on the star, in contrast
to the detections of polar accretion spots. The weaker dipole fields found in Zeeman–Doppler
imaging campaigns lead to smaller truncation radii than if the total magnetic flux is used (Bessolaz
et al. 2008, Johnstone et al. 2014). However, the dipole field strengths of dark spots may be
underestimated, depending on whether the surface filling factor is considered (Chen & Johns-
Krull 2013) or if magnetic flux cancellation is important (see the review by Hussain & Alecian
2014). In any case, a truncation radius near or inside corotation is consistent with the structure
of the inner disk (see the review by Dullemond & Monnier 2010), including the inner radius of
CO emission (Najita et al. 2003, Salyk et al. 2011). These truncation radii are also consistent with
the location of extinction events, which are caused by disk warps associated with accretion along
inclined dipoles (e.g., Bouvier et al. 2007, McGinnis et al. 2015) and have periods that are roughly
consistent with corotation.

Magnetohydrodynamic (MHD) simulations in two and three dimensions of the accretion flows
in rotating stars with tilted dipolar fields predict that matter flows toward the star in two funnels
for high tilt angle and in multiple funnels for low tilt angle. The distribution of hot spots, spot
covering area, and distribution of spot temperature and density all depend on the tilt angle and
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Figure 3
Magnetic field morphology of V2129 Oph, showing (a) complex high-order fields and (b) a large-scale, dipole-like magnetic field
(Donati et al. 2007, Gregory et al. 2008). The large-scale field is tilted by ∼20◦ from the disk, which leads to formation of a funnel flow
that connects to the star near the pole. (c) A slice of the density in the accretion flow of V2129 Oph from Alencar et al. (2012), based on
simulations by Romanova et al. (2011) of how matter would flow along the magnetic field lines. Magnetic field figures courtesy of J.-F.
Donati, S. Gregory, and M. Jardine.

of rotational modulation of the polarization of photospheric lines and in the narrow components
of emission lines have been used to reconstruct the large-scale topology of the magnetic field and
the distribution of accretion spots. These techniques reveal magnetic fields with strong multipolar
components and distributions of spots inhomogeneous in latitude and longitude, with preference
toward the magnetic poles (see Donati et al. 2008).

As an example, Figure 3 shows the reconstructed magnetic field of V2129 Oph, indicating
separately the complex 1.2-kG octupolar surface field and the 0.35-kG dipolar large-scale field,
the latter tilted relative to the stellar rotation axis by 20◦ (Donati et al. 2007, Gregory et al.
2008). In these magnetic field maps, the quadrupolar fields are assumed to be negligible because
their presence would channel the accretion flow to equatorial locations on the star, in contrast
to the detections of polar accretion spots. The weaker dipole fields found in Zeeman–Doppler
imaging campaigns lead to smaller truncation radii than if the total magnetic flux is used (Bessolaz
et al. 2008, Johnstone et al. 2014). However, the dipole field strengths of dark spots may be
underestimated, depending on whether the surface filling factor is considered (Chen & Johns-
Krull 2013) or if magnetic flux cancellation is important (see the review by Hussain & Alecian
2014). In any case, a truncation radius near or inside corotation is consistent with the structure
of the inner disk (see the review by Dullemond & Monnier 2010), including the inner radius of
CO emission (Najita et al. 2003, Salyk et al. 2011). These truncation radii are also consistent with
the location of extinction events, which are caused by disk warps associated with accretion along
inclined dipoles (e.g., Bouvier et al. 2007, McGinnis et al. 2015) and have periods that are roughly
consistent with corotation.

Magnetohydrodynamic (MHD) simulations in two and three dimensions of the accretion flows
in rotating stars with tilted dipolar fields predict that matter flows toward the star in two funnels
for high tilt angle and in multiple funnels for low tilt angle. The distribution of hot spots, spot
covering area, and distribution of spot temperature and density all depend on the tilt angle and
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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 3
Magnetic field morphology of V2129 Oph, showing (a) complex high-order fields and (b) a large-scale, dipole-like magnetic field
(Donati et al. 2007, Gregory et al. 2008). The large-scale field is tilted by ∼20◦ from the disk, which leads to formation of a funnel flow
that connects to the star near the pole. (c) A slice of the density in the accretion flow of V2129 Oph from Alencar et al. (2012), based on
simulations by Romanova et al. (2011) of how matter would flow along the magnetic field lines. Magnetic field figures courtesy of J.-F.
Donati, S. Gregory, and M. Jardine.

of rotational modulation of the polarization of photospheric lines and in the narrow components
of emission lines have been used to reconstruct the large-scale topology of the magnetic field and
the distribution of accretion spots. These techniques reveal magnetic fields with strong multipolar
components and distributions of spots inhomogeneous in latitude and longitude, with preference
toward the magnetic poles (see Donati et al. 2008).

As an example, Figure 3 shows the reconstructed magnetic field of V2129 Oph, indicating
separately the complex 1.2-kG octupolar surface field and the 0.35-kG dipolar large-scale field,
the latter tilted relative to the stellar rotation axis by 20◦ (Donati et al. 2007, Gregory et al.
2008). In these magnetic field maps, the quadrupolar fields are assumed to be negligible because
their presence would channel the accretion flow to equatorial locations on the star, in contrast
to the detections of polar accretion spots. The weaker dipole fields found in Zeeman–Doppler
imaging campaigns lead to smaller truncation radii than if the total magnetic flux is used (Bessolaz
et al. 2008, Johnstone et al. 2014). However, the dipole field strengths of dark spots may be
underestimated, depending on whether the surface filling factor is considered (Chen & Johns-
Krull 2013) or if magnetic flux cancellation is important (see the review by Hussain & Alecian
2014). In any case, a truncation radius near or inside corotation is consistent with the structure
of the inner disk (see the review by Dullemond & Monnier 2010), including the inner radius of
CO emission (Najita et al. 2003, Salyk et al. 2011). These truncation radii are also consistent with
the location of extinction events, which are caused by disk warps associated with accretion along
inclined dipoles (e.g., Bouvier et al. 2007, McGinnis et al. 2015) and have periods that are roughly
consistent with corotation.

Magnetohydrodynamic (MHD) simulations in two and three dimensions of the accretion flows
in rotating stars with tilted dipolar fields predict that matter flows toward the star in two funnels
for high tilt angle and in multiple funnels for low tilt angle. The distribution of hot spots, spot
covering area, and distribution of spot temperature and density all depend on the tilt angle and
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•  No(correla8on(between(stellar(
parameters(and(line(profiles.((

•  Possible(selec8on(bias(–(
magne8c(fields(only(detected(in(
sources(view(pole5on?(

Reiter(et(al.,(ApJ,(submiced(

Line(profiles(unaffected(
by(the(magne8c(field.(


