
August 7, 2017 
Star Formation in Different Environment @ Qui Nhon, Vietnam

Filamentary Accretion 
Flows in the IRDC 

M17 SWex
Huei-Ru Vivien Chen 

National Tsing Hua University, Taiwan 

Fumitaka Nakamura, Qizhou Zhang, Gemma Busquet, Patricio Sanhueza, 
Satoshi Ohashi, Ania Palau, Ken Tatematsu 



The Astrophysical Journal Letters, 764:L26 (6pp), 2013 February 20 Busquet et al.

Figure 1. Archival Spitzer 4.5/8.0/24 µm (blue/green/red) three-color com-
posite image of IRDC G14.225−0.506.
(A color version of this figure is available in the online journal.)

important amount (∼100) of density enhancements or fragments
displaying a filamentary morphology. The filamentary appear-
ance of G14.2 (Figure 1) and its relatively nearby distance make
this region a good selection to investigate the physical proper-
ties of filaments and their formation mechanism at high spatial
resolution.

2. OBSERVATIONS

The observations of the NH3 (1,1) and (2,2) transitions were
conducted using the VLA12 in the D configuration on 2005
November 12 (project AW666). We performed a 34-pointing
mosaic covering an area of 7′ × 13′. The integration time was
∼4.5 minutes per pointing. The adopted flux density of the flux
calibrator 3C 286 was 2.41 Jy at a wavelength of 1.3 cm. The
time variation of the gains was calibrated using J1832−105,
with a bootstrapped flux of 0.97 ± 0.01 Jy, and the bandpass
calibrator used was 3C 273. We used the 4IF spectral line mode,
which allows simultaneous observations of the NH3 (1,1) and
(2,2) lines with two polarizations for each line. The bandwidth
used was 3.12 MHz, divided into 63 channels with a channel
spacing of 48.8 kHz (∼0.6 km s−1 at 1.3 cm), centered at ∼21 km
s−1. The visibility data sets were calibrated using the AIPS
software package of the NRAO.

To recover extended structures filtered out by the interferom-
eter, we performed NH3 observations with the Effelsberg 100 m
telescope (project 101-07). The observations were carried out

12 The VLA is operated by the National Radio Astronomy Observatory
(NRAO). The NRAO is a facility of the National Science Foundation operated
under cooperative agreement by Associated Universities, Inc.

between 2008 April 4 and 7. We used the 18–26 GHz HEMT
receiver tuned to a frequency of 23.7 GHz with the 16384 chan-
nel fast Fourier transform spectrometer, allowing simultaneous
observations of the NH3 (1,1) and (2,2) lines. The total band-
width used was 100 MHz, which provides a velocity resolution
of 0.075 km s−1. The observations were conducted in frequency
switching mode with a frequency throw of 7.5 MHz. At the ob-
served wavelength, the half-power beamwidth of the telescope
is ∼40′′. The map covered an area of 8′ × 13′ and was made
by observing the positions of a grid with half-beam spacing.
The pointing was checked at hourly intervals, with a point-
ing accuracy better than 8′′. To convert the arbitrary noise tube
units of the Effelsberg data to main beam brightness tempera-
ture, we observed as a primary flux calibrator NGC 7027 and
a nearby quasar as a secondary flux calibrator. Data reduction
was performed using the CLASS package, which is part of the
GILDAS13 software. We combined the visibility data from the
VLA and Effelsberg 100 m telescope for both NH3 (1,1) and
NH3 (2,2) lines following the MIRIAD procedure outlined in
Vogel et al. (1984). We applied a uv-taper function of 23 kλ dur-
ing imaging. The resulting synthesized beams were 8.′′2 × 7.′′0
(P.A. = −15◦) for NH3 (1,1) and 8.′′0 × 6.′′9 (P.A. = −16◦) for
NH3 (2,2). The rms was ∼8 mJy beam−1 per 0.6 km s−1 spectral
channel.

3. RESULTS AND ANALYSIS

Figure 2 (top left) shows the combined (VLA+Effelsberg)
zero-order moment map of the NH3 (1,1) emission overlaid
on the 8 µm Spitzer image. The overall morphology of the
NH3 (1,1) dense gas consists of extended and clumpy filamen-
tary structures, strikingly mimicking the extinction feature seen
in the Spitzer image. While the NH3 (1,1) emission is spatially
extended, the NH3 (2,2) emission is compact (Figure 2, top
right), suggesting that the extended emission is at lower tem-
peratures. We identified the most prominent filaments based on
the morphology of the NH3 (1,1) together with the fact that
these structures are coherent in velocity. We used the follow-
ing criteria: (1) filaments must have aspect ratio larger than
6; (2) the signal-to-noise ratio should be larger than 9;14 and
(3) they must appear in at least two velocity channels and span-
ning a maximum velocity range of 3 km s−1. Figure 2 (top
right) shows, for comparison, the 870 µm continuum emission
from the LABOCA bolometer at the APEX telescope (Busquet
2010), supporting our identification.

We identified a network of eight filaments and two hubs
(named hub-N and hub-S in Figure 2), which were recognized
using the NH3 (2,2) emission as denser regions in which some
filaments intersect. The NH3 filaments, which cover a total area
of 4.7 × 8.7 pc, appear approximately parallel, in projection,
in two preferred directions, at P.A. of 10◦ and 60◦, and they
contain chains of dense cores15 aligned along the filament axis
and distributed at somewhat regular spacings of about ∼30′′ or
0.33 ± 0.09 pc at the distance of the cloud. The averaged
projected separation between adjacent filaments is between
0.5 pc and 1 pc. In Table 1 we report on the length and width
at FWHM of each filament obtained from NH3 (1,1) data. On

13 http://www.iram.fr/IRAMFR/GILDAS
14 Signal-to-noise ratio computed in the zero-order moment map of NH3 (1,1),
where the rms noise level has been estimated using 3σ∆v/

√
3, where σ is the

rms noise of the channel maps and ∆v = 0.6 km s−1.
15 Cores have been identified in the zero-order moment map of NH3 (1,1) if at
least the 6σ level is closed, where σ is the rms noise of the map.
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Figure 15. GLIMPSE/MIPSGAL image of G345.00–0.22, showing two can-
didate massive protostars and several fainter sources, in an elongated hub with
seven distinct and two diffuse filaments radiating to the north and NW and
additional diffuse filaments radiating to the south. The scale bar indicates 5 pc.
(A color version of this figure is available in the online journal.)

with similar elongation and direction. Smaller hubs tend to be
relatively round, with relatively fewer stars, lower column den-
sity, and a few radiating filaments. Larger hubs tend to be more
elongated, with more stars, higher column density, and 5–10
radiating filaments. These filaments tend to be nearly parallel to
each other, and are directed along the short axis of the hub, as
in Corona Australis and G343.78–0.24.

HFS is seen in dust emission and absorption, and in molecular
line emission. It is seen in optical dark clouds within a few
hundred pc, and in IRDCs at distances ∼3 kpc. In the IRDCs,
candidate massive protostars are detected via their luminous
mid-infrared emission. Lower-mass clusters are expected to be
associated with such massive protostars, but their conclusive
detection in IRDCs has not been reported, perhaps due to
insufficient sensitivity and resolution.

HFS is much less common in molecular clouds than “fila-
mentary structure,” which appears to describe much of the gas
in a molecular cloud, throughout its history. HFS is prevalent
among young stellar groups, but the definition adopted here for
a young stellar group selects only the densest parsec-scale gas in
a molecular cloud, and only during the time when it is actively
forming stars. Thus, the Taurus complex is “filamentary” and
contains six groups of young stars, yet only one such group,
L1495, has associated HFS.

The geometrical features of HFS can be summarized as the
radiation of filaments from denser “hubs,” and the tendency
for filaments to have similar spacing and direction. The spe-
cific nature of these properties suggests that HFS may be a
“fingerprint” of a distinct physical process, and is not an artifact
of biased selection or small-sample statistics. To better quantify
the incidence and properties of HFS, it would be useful to extend
the limited survey of nearby dark clouds and IRDCs reported
here, to more complete surveys with more uniform sensitivity
and resolution.

3. MODELS OF FILAMENTARY STRUCTURE

This section describes cloud structure models which have
some similarity to observed HFS, in Sections 3.1 and 3.2, and
presents a new model in Sections 3.3–3.8.

3.1. Flow-driven Filamentary Structure
Filamentary structure in clouds can arise from collisions

of randomly directed flows, as in models of hydrodynamic
turbulence (Klessen et al. 2004; Jappsen et al. 2005). However,
in these models the filaments tend to have irregular spacings
and directions. The “nodes” where such filaments intersect are
sites of increased star formation, but they do not have sufficient
increase in column density and in stellar surface density to match
those associated with observed hubs.

Uniform cylinders of gas approaching along a common
symmetry axis develop a “splash” pattern of filaments directed
radially outward in the collision plane (Vazquez-Semadeni et al.
2007; Heitsch et al. 2008). This pattern resembles a hub with
radial filaments, but its initial state may be unrealistic, since no
evidence has been reported of clouds which are either uniform,
or colliding.

The formation of protostars in the central part of a cloud can
cause outflows to “sculpt” radially directed filaments by remov-
ing lower-density gas between them (Li & Nakamura 2006).
However, the clumpy distributions of observed protostars, and
the irregular directions of their outflows, seem unlikely to pro-
duce the similar spacings and directions of the filaments in
Figures 1–15.

Hubs and filaments are also seen in the simulations of a mag-
netized cloud whose turbulence dissipates, causing the cloud to
condense along its field lines into a dense layer (Nakamura &
Li 2008). Ambipolar diffusion allows gravitational instabilities
to structure the layer into hubs and filaments. However, these
filaments do not have the regular spacing and nearly parallel
directions seen in clouds such as Ophiuchus (Figure 8), Corona
Australis (Figure 9), G335.43–0.24 (Figure 14), and G345.00–
0.22 (Figure 15).

Many authors have suggested that young stellar clusters and
their associated dense gas arise from the compression associated
with parsec-scale flows, since young clusters are often seen
near OB associations and H ii regions, whose winds and shocks
can sweep up a low-density medium and compress existing
condensations (Blaauw 1964; Elmegreen & Lada 1977; de
Geus 1992; Wilson et al. 2005). This idea motivates the model
presented in this paper, since such large-scale compression can
condense gas into a layer, and since self-gravitating layers can
give rise to the similarly spaced filaments seen in nearby star-
forming regions.

3.2. Filaments Arising from Layer Fragmentation

Layer fragmentation has been studied extensively. In a
horizontally smooth, self-gravitating isothermal layer (Spitzer
1942), periodic small-amplitude perturbations of sufficiently
long wavelength can grow if their form is a circularly sym-
metric Bessel function or a sinusoid (Ledoux 1951), leading to
fragments which resemble circularly symmetric clumps or par-
allel filaments, respectively. Similar fragmentation can occur in
layers of gas which are not isothermal, or which are threaded
with nonzero magnetic field (Larson 1985; Nagai et al. 1998).
A layer bounded by shocks can similarly fragment (Whitworth
et al. 1994) or can develop a corrugated structure via the nonlin-
ear thin shell instability (Vishniac 1994). These analyses offer
insight into how layers respond to perturbations, but do not
predict their long-term evolution.

3.3. Filamentary Layer in Gravitational Equilibrium

The modulated isothermal layer (Schmid-Burgk 1967) repre-
sents the parallel filament systems of Figures 1–15 better than
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Figure 2. Taurus complex in 13CO J = 1–0, showing the hub L1495 in the NW
radiating three filaments, and three “neighbor filament” features with similar
length and orientation (Goldsmith et al. 2008). Velocities VLSR = 3–5 km
s−1 are in blue, 5–7 km s−1 in green, and 7–9 km s−1 in red. The scale bar
indicates 5 pc.
(A color version of this figure is available in the online journal.)

Figure 3. AK image of Barnard 59 in the Pipe Nebula, based on near-infrared
star counts (Lombardi et al. 2006), showing two curving filaments to the south
and SE, and one to the NW. The central white spot is an artifact. The scale bar
indicates 1 pc.

Figure 4. Serpens South cluster, from IRAC bands 1 and 2 (Gutermuth et al.
2008b), with north to the right and east to the top. The young cluster radiates
two thin filaments to the south and SE, and a broader feature to the NW. This
NW feature appears to join a second hub–filament system to the north. The scale
bar indicates 0.5 pc.
(A color version of this figure is available in the online journal.)

Figure 5. Serpens “Cluster A” at 1.1 mm (Enoch et al. 2007), showing an
elongated hub and with two long and two short filaments. The scale bar indicates
0.5 pc.
(A color version of this figure is available in the online journal.)

Figure 6. Cluster IC348 in Perseus, with Class II YSOs (red circles) and Class I
protostars (yellow crosses) based on Spitzer Space Telescope observations,
superposed on contours of 13CO 1–0 integrated intensity ranging from 1 to
15 K km s−1 (Ridge et al. 2006; Muench et al. 2007). The dense gas emission
peaks near the concentration of protostars IC348-SW, and extends along four
filaments. The scale bar indicates 1 pc.
(A color version of this figure is available in the online journal.)

Serpens South
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Myers 2009, Busquet et al. 2013,  
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Arzoumanian et al. 2011, etc.
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Figure 3. Filament 2 at 26.56 Myr into the simulation, integrated in the ranges |x| < 5 pc for the top row, and 0 < z < 15 pc for the bottom row. The left column
shows the total column density, while the middle column shows column density for gas with n > 103 cm−3 and n > 104 cm−3 in the right column. In all cases, the
arrows show the density-weighted projected velocity with the arrow in the lower right representing 2 km s−1. The region z− y ! 7 pc is suppressed to avoid a separate
condensation unrelated to the filament of interest. The bottom row of this figure is also available as mpeg animations in the online journal.

(Animations and a color version of this figure are available in the online journal.)

the y–z plane, and noting from visual inspection that the LOSs
are at angles ∼−50◦ and ∼−20◦ from the z axis in Figures 2
and 3, respectively, we thus have rotated the fields by minus
these amounts on this plane to orient the filaments vertically.

The resulting column density maps are shown in Figure 4,
where the vertical axis, labeled ξ , is now approximately parallel
to the filament. Superposed on these maps, we show plots of the
column density-weighted mean velocity perpendicular to the
LOS and approximately along the filament (the vertical velocity
in the projection of Figure 4). This rendering clearly shows the
large-scale collapse of the filament along its long dimension,
signaled by the sharp transition (jump) from positive velocities
in the lower region to negative velocities in the upper region.
However, in addition to this global collapse, smaller jumps in
velocity associated to smaller-scale (in size and mass) centers of
collapse are also observed. The collapsing regions move along

the filament, as they follow the large-scale filament collapse,
and so the velocity jumps around these regions are superposed
on the average infall velocity toward the larger-scale center of
mass.

The velocity structure seen in Figure 4 qualitatively resembles
that observed in a number of observational studies. In particular,
Kirk et al. (2013) report a velocity gradient of 1.4 km s−1 pc−1

across the filament associated with the embedded Serpens
South protocluster (see their Figure 4), while Peretto et al.
(2014) report velocity gradients ranging between 0.22 and 0.63
km s−1 pc−1 across the filaments in SDC13. Although both
the size and velocity scales of those filaments are smaller
than ours, the velocity difference in our filaments, ∼5 km s−1

over length scales of ∼10 pc, also corresponds to a gradient
∼0.5 km s−1 pc−1. These results are only preliminary, and a
survey of the filaments produced in our simulations should be
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Figure 4. Projections perpendicular to the filaments. The grayscale shows the
column density (in the 1020 to 3 × 1022 cm−2 range, logarithmic scale) along a
line of slope −50◦ in the z–y plane (top panel) of Figure 2 for Filament 1 (left),
and −20◦ in the z–y plane (top panel) of Figure 3 for Filament 2 (right), so that
the vertical coordinate here (labeled ξ and measured from the center of mass of
each filament) is approximately along the filaments. The solid line shows the
column density-weighted ξ velocity, averaged over the filament width. Its value
is given by the upper horizontal scale. The global collapse of the filaments, with
superimposed local collapses, is apparent.

carried out, but the qualitative similarity between our results and
the observations is encouraging.

4.3. Accretion onto and from the Filaments

As mentioned above, the filaments are not depleted in a
free-fall time (see Section 4.1) as they fall onto the local
collapse centers (the clumps) within them because the filaments
themselves are accreting material from their surroundings. This
infall of material occurs at lower densities than that of the
filaments, and so the infall and the dense filament might not both
be observable with the same molecular species. Nevertheless,
we report here the accretion structure in the hope that it can be
ultimately compared with that of observed filaments.

Figure 5 shows a position–velocity diagram along Filament
2, integrating along the same LOS as in Figure 4, for gas with
density both below (grayscale, red in the online version) and
above (contours, green in the online version) 103 cm−3. The
velocity in this case is along the LOS, and denoted vlos. While
gas with n < 103 cm−3 forms a continuous structure along
the filament, gas with n > 103 cm−3 breaks into four separate
structures, enclosed by dotted ellipses in Figure 5. One of those
individual structures is a disk surrounding a collapse region
near the center of the filament (at ξ ≈ 0.5 pc), distinguishable
by the larger spread in LOS velocity. Smaller collapse centers
are also noticeable (at ξ ≈ −5.5,−3, and 5 pc). Interestingly,
LOS velocity jumps are generally observed in both the local and
the large-scale clump-filament systems

Figure 5. Position–velocity map along the center of the Filament 2, integrated
along the same direction as in Figure 4 so that the line of sight is approximately
perpendicular to the filament and the ξ coordinate is measured along the filament.
The grayscale (red image online) corresponds to gas with n < 103 cm−3, while
contours (green image online) corresponds to denser gas. Both show the column
density of gas per unit velocity interval (on a logarithmic scale) in the range
3×1019 − 3×1023 cm−2( km s−1)−1. Denser gas breaks into separate structures,
marked with dotted ellipses, while gas at lower density forms a continuous
structure along the filament. Most of the gas in both density regimes is clearly
separated in velocity space, with only narrow regions of overlap (yellow in the
online version).
(A color version of this figure is available in the online journal.)

As shown in Figure 3, the gas falls onto the filament in an
oblique direction, and gradually becomes a flow along the fil-
ament as one moves toward the filament’s axis. That is, this
change of direction happens as the gas density increases. There-
fore, when considering the velocity component perpendicular to
the filament (vlos in Figure 5), gas in different density regimes
should separate in velocity space. This is noticeable in Figure 5
as a clear separation of the gas in these regimes (red and green
images in the online version), with only a small superposition
(visible as a yellow area in the online version), with exception
of the disk near the center, where the nature of the gas flow is
different from the rest of the filament.

The structure seen in Figure 5 is remarkably similar to that
observed by Schneider et al. (2010) in molecular line emission
from the DR21 massive filament in the Cygnus X region, which
has a length ∼15 pc, very similar to that of the filaments we
analyze. Schneider et al. (2010) conclude that the kinematics
of the gas is consistent with a global gravitational collapse and
inflow onto the filament, in agreement with the dynamical state
of our filaments. Furthermore, they show, in their Figure 6,
a position–velocity diagram for several molecular transitions
that closely resembles our Figure 5. In particular, a separation
of different density regimes in velocity space, which in our
simulation corresponds to gas falling onto the filament, is
observed in their Figure 6. Moreover, the structure in their
filament also exhibits significant widenings in the velocity
coordinate, of amplitude several km s−1, at the location of
clumps. In our simulation, these widenings are the result of the
large infall velocities that develop in the vicinity of the clumps.
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Figure 12. K-S test results comparing our simulated protostar populations
to the 2CTC (solid) and 2CCA (dotted) models. The y-axis shows the p-value
returned by the test, and the x-axis shows time.

well with any of the theoretical models, mainly because its median
mass is too low – lower than the Weak run by a factor of ≈2 and
the Strong run by a factor of ≈3 for this snapshot. This increase in
the typical protostellar mass due to the magnetic field appears to be
necessary to get good agreement with the two-component PMFs.

To examine the degree of agreement with the two-component
PMFs over the entire evolution of the cluster, we perform a
Kolmogorov–Smirnov (K-S) test comparing our simulated proto-
star populations to the 2CTC and 2CCA PMFs for all our data
outputs. The results are shown in Fig. 12. The Strong MHD run,
after the initial transient phase, attains statistical consistency with
both PMFs. This agreement appears to be steady with time, hov-

ering around a K-S p-value of 0.1. The p-value for the Weak run
is also relatively stable, although the agreement with the predicted
PMFs is not as good. The Hydro distribution never reaches a steady
p-value >10−4 for any of the models we consider. Note that, as the
PMFs predicted by the 2CTC and 2CCA models are quite similar,
our simulated PMFs cannot be said to favour one accretion history
model over the other.

3.5 Core magnetic field structure

It is also useful to examine the geometry of the magnetic field in the
cores formed in our simulations. From the Weak and Strong field
MHD runs, we select the four most massive protostars at the time
t = 0.4tff. These range in mass from 0.3 to 1.8 M⊙ at this point in
the calculation. In Fig. 13, we show column density maps overlaid
with density-weighted, projected magnetic field vectors showing the
central 3000 au surrounding each protostar. Fig. 14 shows the same
cores convolved with a 1000 au Gaussian beam to ease comparison
with observations. As in Krumholz et al. (2012b), we find that all
the protostars are found near the centres of dense structures similar
to the cores identified in dust thermal emission maps. The typical
size of the cores, by inspection, is about 0.005 pc. We calculate the
core mass by adding up all the mass (in gas and in the central sink
particle) within a sphere of 0.005 pc radius around the protostar.
The resulting core masses range from about 2 M⊙ to 6 M⊙.

In the Strong run, we find that the magnetic field geometry always
follows the ‘hourglass’ structure commonly observed in regions of
low-mass (Girart, Rao, & Marrone 2006; Rao et al. 2009) and high-
mass (Girart et al. 2009; Tang et al. 2009) star formation. We see
examples of this in the Weak case (the left two panels of Fig. 13)
but we also see examples of highly disordered field geometry (the
right two panels). This is in part due to the greater ability of the

Figure 13. Top – zoomed in views of the four most massive protostars in the Strong field calculation at t = 0.4tff. The window size has been set to 3000 au.
The colour scale shows the logarithm of the column density, and the black arrows show the mass-weighted, plane-of-sky magnetic field vectors. The masses
of the protostars have been indicated in each panel. Bottom – same, but for the Weak MHD run.
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Figure 12. Surface density along the z axis for the β = 10 model at t = 2 (left) and the β = 0.1 model at t = 2.25 (right). In terms of the default layer, the area shown
is 8×8 pc2 and the unit of surface density is 5×1020 cm−2.

(Animations and color version of this figure are available in the online journal.)

Figure 13. Ridges of column density for the weak magnetic field (red) and hydrodynamical (blue) model at t = 2 (left) and for β = 0.1 (red) and β = 1 (blue) at
t = 2.25 (right).
(A color version of this figure is available in the online journal.)

magnetic field one. The separation between the two states lies
somewhere between β = 2 and 10.

Not only the density structure, but also the magnetic field
structure is distinctively different in the two regimes. In the
strong magnetic regime, the magnetic field is dynamically im-
portant and suppresses perturbations perpendicular to its orien-
tation. Then gas flows are predominantly along the magnetic
field lines resulting in filaments perpendicular to the magnetic
field. On the other hand, in the weak magnetic regime, the mag-
netic field is dynamically passive and is dragged with the gas.
Consequently, the density structures lie not only perpendicular
to the field lines, but also parallel and oblique.

For the oblique filaments, an interesting phenomenon occurs:
while the magnetic field is oblique to the filament axis in the
outer regions of the filament, it is orientated along the filament
axis within its central region (see Figure 14). The filaments
are bound by fast-mode shocks in which the magnetic field
increases perpendicular to the shock normal. The formation of
such filaments is described in Nakajima & Hanawa (1996) who

show that such filaments are in quasi-static equilibrium in their
inner parts.

Radial filament profile. The average radial column density
profile for the filaments in the magnetized layers is similar
to the profiles extracted for the hydrodynamical model (see
Figures 15 and 16). The distribution is best fitted by Plummer
profiles (Equation (3)) with power-law indices p ! 2 and cannot
be fitted by an equilibrium profile with p = 4. An exception is
Region W1 which can be fitted reasonably well by a large range
of p values, including p = 4. The ratio of the central-to-external
column density for Region W1 is small. The distribution then
does not properly sample the power-law tail of the Plummer
profile because the distribution is dominated by the flat inner
region and the background column density. This results in a
broad range of possible power-law indices for the Plummer
profile.

Again, density slices through the filaments show that the
density distribution of the central region can be approximated by
an equilibrium Schmid-Burgk profile. For example, the density
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Figure 4. Centroid velocity measured for N2H+ across Serpens South. The contours correspond to the dust emission levels shown in Figure 1 and 3, and the circles
denote the same YSOs as shown in Figure 1 (dark gray corresponds to class 0, medium gray to class I and light gray to class II sources). The peak ridge of the filament
is shown by the dashed lines (red in the south and blue in the north for clarity). The overall velocity gradient measured in the southern filament is indicated by the
arrow at the bottom left, while the circle at the bottom right indicates the Mopra beam size.

the area perpendicular to the flow, or

Ṁ∥ = V∥ ×
(

M

πr2L

)
(πr2), (2)

which simplifies to Ṁ∥ = V∥(M/L). Due to projection effects,
we observe

Lobs = L cos(α) and V∥,obs = V∥ sin(α) (3)

with V∥,obs = ∇V∥,obsLobs. Therefore, the accretion rate is given
by

Ṁ∥ = ∇V∥,obsM

tan(α)
. (4)

For the southern filament, we estimate a mass of 20.3 M⊙
along a length of 0.33 pc and width of 0.08 pc (see Section 3.1),
which corresponds to an accretion rate of 28 M⊙ Myr−1 for
tan(α) = 1. Note that since we observe both a gradient along
the filament and infall onto the filament (discussed in the next
section), this already constrains α not to lie close to either of the
possible extreme values (0◦ for lying parallel to the plane of the
sky and 90◦ for lying directly along the line of sight). We will
furthermore show that the accretion rates estimated from both
the motion along and across the filament are relatively high,
which suggests that α is likely close enough to 45◦, so that the
correction factor for each measure is only several times unity.

The velocity gradient used for the accretion rate esti-
mate is also similar to values measured in other star-forming

7

The Astrophysical Journal, 766:115 (14pp), 2013 April 1 Kirk et al.

Figure 6. Left: the N2H+ (green) and H13CO+ (yellow), and HNC (blue) average spectra for the southern filament. (For N2H+, only the isolated hyperfine component,
(F1, F = 0, 1–1, 2), is shown.) The HNC spectrum shows clear signs of self-absorption, while the N2H+ and H13CO+ spectra are well described by a single Gaussian.
Right: the filament-averaged HNC profile, along with the expected relative positions and strengths of the hyperfine emission lines of HNC. The hyperfine splitting is
on too small a scale to be responsible for the observed self-absorption profile. The red line shows the best fit Hill5 infall model profile (deVries & Myers 2005). See
text for details.

Table 2
Hill5 Model Parameters Fit to HNC

Fita Vinfall
b δV b Vlsr

b τ b Tpeak
b

(km s−1) (km s−1) (km s−1) (K)

Fit-1 0.25 ± 0.02 0.45 ± 0.01 0.05 ± 0.01 2.7 ± 0.1 6.33 ± 0.06
Fit-2 0.54 ± 0.01 0.36 ± 0.01 0.06 ± 0.01 1.6 ± 0.1 6.6 ± 0.1

Notes.
a In our 1000 randomized fits, two clusters of fit parameters were identified,
as listed here. The original HNC fitted Hill5 parameters are all identical to the
mean values listed for Fit-1.
b Mean and standard deviations of the infall velocity, velocity dispersion
(Gaussian sigma units), centroid velocity, optical depth, and peak excitation
temperature, for the subset of the 1000 randomized trials.

same pixel prior to the summation. Using the Hill5 model, we
find the best-fitting parameters listed in Table 2 under “Fit-1.”

In order to estimate the fitting errors, we ran the fitter on 1000
realizations of the spectrum with random noise added at the
same level as observed.12 This test yielded several unexpected
results. In a small number of cases (26 of 1000), the “best”
fit clearly got “stuck” in a local minimum of χ2 space, with
unphysical parameters (optical depths in excess of 20 and peak
excitation temperatures often around several hundred). These
models provided visually poor fits to the spectra, and so we
discarded these cases. These fits likely could have been fixed by
modifying the fitting tolerances in the Hill5 fitter, but this seemed
unnecessary, given the small overall number. Of the remaining
974 fits to the data plus random noise, 686 were found to have
values clustered very close to the original fit (these were used to
calculate the formal errors in “Fit-1”), while the remaining 288
were clustered around a different set of fit parameters, listed
under “Fit-2” in Table 2. Visually, this other set of fits also
are a reasonable match to the data, and the distribution of χ2

values are similar for both sets of fits. Therefore, these second
fit parameters appear to be a viable second solution to the best-
fitting Hill5 model, using only the information available from
the HNC spectrum.

12 Note that this increases the total noise in the spectrum by a factor of
√

2.

We use the additional information available from the optically
thin spectra (H13CO+ and possibly N2H+) to argue that Fit-1 best
matches the full suite of data. We calculate the corresponding
optically thin spectra for both Fit-1 and Fit-2, using the fitted
parameters but a lower optical depth. For Fit-2, the optically
thin spectrum predicted has two distinct velocity components
separated by more than the line width. Effectively, Fit-2 rep-
resents a model of two independent layers of material moving
toward each other. As shown in Figure 6, two distinct velocity
components are not observed in either of the brightest opti-
cally thin tracers, i.e., the N2H+ isolated hyperfine component
or H13CO+. This implies that Fit-1 is the most consistent with
the observations.

We ran several simple tests with the online non-LTE radiative
transfer calculator, Radex13 (Van der Tak et al. 2007) to check
that the fitted values are reasonable. We assume an HNC
abundance of 6 × 10−10 typical of dense core gas (Hily-Blant
et al. 2010), and adopt gas properties (density, column density,
temperature, total velocity dispersion) based on the observations
discussed earlier. The predicted optical depth ranges from
roughly 6 to 8, for temperatures (and the associated derived
densities and column densities) between 12 and 15 K. Given
that a cold dense core HNC abundance is likely an overestimate
for a filament, and the uncertainties in various parameters used
to estimate the density and column density from the dust maps,
the Hill5 model fit of an optical depth of 2.7 for “Fit-1” is in
reasonable agreement; the optical depth of 1.6 from “Fit-2” is
less consistent with the observational expectations.

Using the same toy model as shown in Figure 5, the accretion
rate onto the filament can be estimated from the above infall
velocity, i.e., the velocity onto the filament times the density
and filament surface area of the short axes, or

Ṁ⊥ = V⊥ ×
(

M

πr2L

)
(2πrL), (7)

which simplifies to Ṁ⊥ = 2V⊥(M/r). Due to projection effects,
we observe

Vin = V⊥ cos(α), (8)
13 Radex is available at http://home.strw.leidenuniv.nl/∼moldata/radex.html.
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Figure 5. Toy cylinder model we consider for our accretion rate analysis. The
cylinder has length L, radius r, mass M, and velocities of V∥ along the long axis
and V⊥ in the radial direction. It is inclined at an angle of α (not shown) relative
to the plane of the sky (with the top end farther from the observer).

regions—for example, Bally et al. (1987) find a gradient of
∼0.7 km s−1 pc−1 along several pc of the Orion integral
shaped filament; Schneider et al. (2010) find gradients of
∼0.8–2.3 km s−1 pc−1 along the DR21 filament, and Kirk et al.
(2010) find a general relationship in non-filamentary molecu-
lar gas structures between size and velocity gradient suggesting
values around 1 km s−1 pc−1 for size scales of a few tenths of
a parsec. The similarity of the measured gradient further sug-
gests that projection effects are not extreme for the filament, if
Serpens South is not atypical.

If the gradient were instead interpreted as rotation, then the
total rotational energy would be

Erot = 1
2

(
ML2

3

)
(∇V )2, (5)

where the second term is the moment of inertia for a cylinder
rotating longways around its end, and the final term represents
the angular velocity squared. For the southern filament, this
yields Erot ≃ 0.7 M⊙ km2 s−2. The gravitational binding energy
is given by

Egrav = GMMclust

L
, (6)

where Mclust is the mass of the central cluster, roughly 100 M⊙,
calculated in the same manner as the filament mass (see
Section 3.1). Thus, the gravitational binding energy is a factor of
more than ten higher, at Egrav ≃ 26 M⊙ km2 s−2. With a free-fall
time of just ∼0.3 Myr, several times less than the estimated age
of the region, even if the filament was initially rotating, infall
motions would rapidly dominate.

Finally, the velocity gradient could also be interpreted as out-
flow motion, if the orientation was the reverse of that assumed
above. In this instance, stellar winds and outflows would be the
most likely candidate source for driving the motions. Using a
simple calculation to estimate the momentum and energy associ-
ated with such outflowing motions yields values of 9 M⊙ km s−1

and 2 M⊙ km2 s−2 respectively. Nakamura et al. (2011) estimate
that the total momentum and energy in outflows (measured us-
ing CO(3–2) data) in Serpens South is ∼8 M⊙ km s−1 and
∼65 M⊙ km2 s−1 respectively, with a total mass of outflowing
material of only 0.6 M⊙. While in principle, the YSO popu-
lation could provide sufficient energy and momentum to drive

the observed large-scale flow, the outflows observed by Naka-
mura et al. (2011) are multi-directional, not highly collimated,
as would be required.

5. INFALL ALONG THE LINE OF SIGHT

We next utilize information from an optically thick line
showing self-absorption to measure gas accretion across (i.e.,
building up additional mass onto) the filament. In the classic
case of two converging layers, the gas is assumed to have
an increasing excitation temperature toward the center (where
the density is also higher); self-absorption in optically thick
lines occurs for the emission originating from the furthest
pieces of gas at any given velocity. Therefore, emission from
the (blueshifted) layer moving toward the observer is emitted
primarily from the higher excitation, denser part of the slab,
while the reverse is true for the (redshifted) layer moving
away from the observer (e.g., Myers et al. 1996). Infall profiles
therefore show brighter peaks blueward of the peak emission of
an optically thin line, with a lower red shoulder, and sometimes
a central dip. Using simplified assumptions about the gas
properties, the emission profile of a line showing such a red-
blue asymmetry can be used to estimate a characteristic infall
velocity of the gas (e.g., Evans 1999; Myers et al. 2000).

In Serpens South, we observe self-absorption in several of
our emission lines: HCO+, HCN, and HNC. Of these lines, the
HNC is the least self-absorbed, and therefore is the brightest
and has the highest signal to noise level. A high signal to
noise level is required to obtain reasonable model fits to infall
spectra—deVries & Myers (2005) find signal to noise levels >30
are required for good results. In order to further maximize our
signal to noise level, we therefore spatially average spectra along
the southern filament. As discussed in the previous section, there
is a global velocity gradient running along the southern filament,
which needs to be accounted for prior to averaging. We use the
N2H+ centroid velocities fit at each pixel to first shift all of the
HNC spectra to a common velocity center prior to averaging,
again considering spectra within 1′ (or 3 pixels on either side)
of the filament’s peak ridge identified. Figure 6 shows the result
of this summation for HNC, as well as for the two optically
thin lines, N2H+ and H13CO+. In the case of N2H+, only the
isolated component is shown for simplicity. The HNC spectrum
shows a brighter blue and fainter red peak with strong central dip
around the peak emission of N2H+ and H13CO+, in agreement
with expectations for infall. The HNC(1–0) transition does have
hyperfine structure; however, this is on a much smaller scale
than the infall profile seen, as shown in the right hand panel of
Figure 6.

We estimate the infall velocity using the Hill5 model (and
line fitting code) described in deVries & Myers (2005). The
Hill5 model considers gas with a linearly increasing excitation
temperature toward the center, with each half of the gas moving
toward the other at a fixed velocity. In their analysis, deVries
& Myers (2005) found that the Hill5 model tended to provide
the best fit to a range of both simulated and real spectra with
infall motions; the inclusion of an increase in the excitation
temperature allowed for much better match than the classic
two-slab model of Myers et al. (1996). The variables in the
Hill5 model are the infall velocity, Vin, the (Gaussian sigma)
velocity dispersion, δV , total optical depth, τ , system velocity
Vlsr, and peak excitation temperature, Tpeak. Note that the system
velocity is expected to be 0 in our case, since the individual HNC
spectra were all shifted by the N2H+ centroid velocity fit at the
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Fig. 4. a) Same as in Fig. 1a; b) ALMA-only image of the N2H+(1�0) integrated intensity over the 7 hyperfine structure components. The rms
noise on the resulting map is ⇠6 mJy/beam km s�1. The contours go from 0.1 to 1.5 in steps of 0.7 Jy/beam km s�1 and 1.5 to 9 in steps of 1.5
Jy/beam km s�1. The crosses mark the positions of the two dense cores. The ALMA beam is represented as a yellow elliptical symbol in the bottom-
right corner of the image. We can see the excellent match between the Spitzer dust extinction of the filaments and the N2H+(1�0) emission; c)

ALMA N2H+(1�0) velocity field using the first order moment map. The crosses mark the positions of the cores and the contours are the same as
in the b) panel.

4.2. Mopra HCO+(1�0) self-absorbed lines

HCO+ is a well-known tracer of dense gas in molecular clouds.
In these regions, HCO+(1�0) can be optically thick, in which
case the line shape can provide information of the global motions
of the gas along the line of sight (e.g. Fuller et al. 2005; Smith
et al. 2012). The HCO+(1�0) observations towards SDC335
(Fig. 3) show blue-shifted self-absorbed spectra in the bulk of
the cloud. Such line profiles are expected for an optically thick
tracer of idealized collapsing clouds in which the excitation tem-
perature is rising towards the centre. What is important to note
here is the extent (over at least 12 independent Mopra beams)
over which this spectral signature is observed, and the absence
of any other line asymmetry. For expanding motions we would
expect red-shifted self-absorbed spectra, while in the case of ro-
tation blue-shifted and red-shifted spectra on either side of the
rotation axis should be produced. Therefore these HCO+(1�0)
observations towards SDC335 already rule out the possibility of
a rotating or expanding cloud, and strongly suggest that SDC335
is collapsing.

SDC335 is well enough characterised that we can estimate
the HCO+ abundance using the 1D non-LTE RADEX radia-
tive transfer code (van der Tak et al. 2007). This code predicts
line intensities based on a set of input parameters for which
we have strong constraints: the kinetic temperature (20 ± 5 K,
estimated from Herschel data), the cosmic background tem-
perature (2.73 K), the central H2 density averaged over the
Mopra beam (6 ± 1 ⇥ 104 cm�3, estimated from the column
density map presented in Fig. 1), and the velocity dispersion
(1.3 ± 0.3 km s�1; cf. Sect. 5.4). Then we iterate on the last in-
put parameter, i.e. the molecule column density, to match the
model line intensities with the observed line temperature, i.e.
T peak

HCO+ = 6.4(±0.2) K on the Tmb scale. Doing so, we obtain
NHCO+ = 6+7

�3 ⇥ 1013 cm�2, corresponding to an abundance
XHCO+ = 7+8

�4 ⇥ 10�10. The corresponding excitation tempera-
ture is Tex = 10.4+1.2

�0.7 K, confirming that HCO+(1�0) is not ther-
malised. Using the same set of parameters, we performed the

same exercise for the central H13CO+(1�0) line (se Fig. B.1),
which has T peak

H13CO+ = 1.2(±0.2) K on the Tmb scale. For this
line we obtain NH13CO+ = 4+3

�2 ⇥ 1012 cm�2, corresponding
to an abundance XH13CO+ = 5+3

�3 ⇥ 10�11. The corresponding
excitation temperature is Tex = 6.5+2.7

�1.2 K. Therefore, as for
HCO+(1�0), H13CO+(1�0) is not thermalised. Note that the
lower excitation temperature of H13CO+(1�0) is most likely due
to a lower beam-filling factor. Another important point is that
given the abundances we calculated for both molecules, we ob-
tain an abundance ratio 15  [HCO+]/[H13CO+]  20. The
[12C]/[13C] ratio is known to increase as a function of the galac-
tocentric radius, and at the galactocentric distance of SDC335
(i.e. ⇠5 kpc) the predicted [12C]/[13C] is around 30 (Langer &
Penzias 1993; Savage et al. 2002). The value we find is about
half this value, which, considering the uncertainties on these
kinds of measurements, is in reasonable agreement. We use the
latter value of the fractional abundance for the radiative mod-
elling presented in Sect. 5.3.

4.3. ALMA N2H+(1�0) cloud velocity field

Figure 4b shows the ALMA N2H+(1�0) integrated-intensity
map of SDC335. The visual comparison with the Spitzer image
of SDC335 demonstrates how e�cient this molecule is in trac-
ing the network of pc-long filaments seen in dust extinction. This
justifies our choice of using this line to trace the filaments kine-
matics. On the other hand, we can also see that N2H+ is a poor
tracer of the cores, where the central heating may have partly
removed it from the gas phase (Zinchenko et al. 2009; Busquet
et al. 2011).

Figures 4c and 5 show that SDC335 velocity field is ho-
mogeneous in each filament, with distinct velocities from fila-
ment to filament (e.g. hVF1i = �47.4 ± 0.1 km s�1; hVF3i =
�45.8 ± 0.2 km s�1). It becomes more complex towards the
centre of the cloud. In Fig. 5 we see that two separate ve-
locity components are present close to MM2, while the broad
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observations of clouds at similar densities suggest (Crutcher
2012). Finally, note that the support provided by centrifugal
forces can potentially stabilise a cloud against gravity. However,
calculating the rotational energy of SDC335 by assuming that
it is a homogenous rotating sphere with an angular velocity
! = 1 km s�1/pc, we estimated that it is ⇠10 times smaller than
its kinetic energy as measured from the velocity dispersion. In
other words, it is negligible.

5.5. Large-scale velocity field and accretion rates

To illustrate some of the expected signatures of globally col-
lapsing clouds we present, in Fig. 8 a snapshot of a published
MHD simulation modelling the evolution of a turbulent and
magnetized 10 000 M� cloud, that was initially designed to re-
produce some of the observational signatures of the DR21 re-
gion (Schneider et al. 2010, see Appendix C for more details
on the simulation). Overall, this simulation shows some similar-
ities with SDC335, i.e. massive cores in the centre, the formation
of filaments converging towards these cores, and a velocity field
resembling the one observed in SDC335 (see Fig. 4c). But most
importantly, Fig. 8 shows that although a fraction of the gas is
indeed collapsing along the filaments, a large portion is collaps-
ing o↵ filaments. In this case the filamentary accretion observed
along the filaments represents only the tip of the entire accretion
towards the cloud centre.

In the context of a global collapse scenario, the observed
velocity field along the filaments is the consequence of the
inflowing cold gas. We can therefore estimate the current in-
fall rate of gas running through the filaments using Ṁinf =
Nfil⇡R2

filVinf⇢fil, where Nfil is the number of filaments, Rfil is
the filament cross-section radius, Vinf is the gas infall veloc-
ity, and ⇢fil is the gas volume density. With six filaments, an
infall velocity of 0.7(±0.2) km s�1, a filament section radius
of 0.15 pc, and a density of 4(±1) ⇥ 104 cm�3, we derive an
infall rate of 0.7(±0.3) ⇥ 10�3 M�/yr. At this rate, a total mass
of 210(±90) M� would have been gathered in the centre by fil-
amentary accretion within a free-fall time t↵ ⇠ 3 ⇥ 105 yr. This
is slightly less than half of the cumulated core masses. However,
less than 20% of the SDC335 mass is lying within the filaments
(cf. Sect. 3). Assuming that the remaining gas is collapsing o↵
filaments at a similar infall velocity, as observed in the simu-
lations (see Fig. 8a), the total accretion rate becomes Ṁinf =
4⇡R2

sphVinf⇢sph, where Rsph is the radius of the considered spheri-
cal volume and ⇢sph is the density at that radius. At the radius of
the Centre region, Rsph = 0.6 pc and ⇢sph = 1.3(±0.2)⇥104 cm�3,
which leads to Ṁinf = 2.5(±1.0) ⇥ 10�3 M�/yr. With this ac-
cretion rate 750(±300) M� of pristine gas is trapped inside the
Centre region every cloud free-fall time. This is enough to dou-
ble the mass of material currently present in the Centre region
in 3.5+2.2

�1.0 cloud free-fall times. This is few free-fall times longer
than the typical timescale over which simulations modelling the
evolution of massive star-forming clouds evolve (e.g. Smith et al.
2009; Krumholz et al. 2012). However, free-fall times in simu-
lations are estimated at the initial average density ⇢̄ini while here
t↵ is calculated from the SDC335 current average density ⇢̄cur.
Therefore, a fair comparison with models would imply that we
estimate t↵ from SDC335 ⇢̄ini, which would then increase t↵
as (⇢̄cur/⇢̄ini)1/2. Altogether, evidence indicates that a significant
fraction, if not all, of the SDC335 core mass could have been
built through the parsec-scale collapse of their parental cloud
over a few cloud free-fall times.

b a 

1 pc 

Fig. 8. Snapshot of a MHD simulation of a 10 000 M� collapsing cloud
(see Appendix C for more details; Schneider et al. 2010). a) Column
density (colour and contours) smoothed to the resolution of the ALMA
data (500). The arrows show the plane-of-the-sky velocity field. We see
that gas flows along filaments and also o↵ the filaments. b) Dense gas
line-of-sight velocity field (colour scale) smoothed to the resolution of
the ALMA data. We highlighted the filaments by white dashed lines.
The contours are the same as in panel a).

6. Summary and conclusion

SDC335 is a massive (5500 ± 800 M�) IRDC with two mas-
sive star-forming cores located in its centre, one of which is
likely to be an early O-type star progenitor. This core has an
estimated mass of 545+770

�385 M� in a deconvolved diameter of
⇠0.05 pc, which makes it one of the most massive protostel-
lar cores ever observed in the Galaxy. A theoretical argument
based on volume-density PDFs of molecular clouds suggests
that such a concentration of mass must occur through the large-
scale collapse of the surrounding cloud. This scenario was sup-
ported by several observational facts presented in this paper:
optically thick molecular line observations showing extended
collapse signatures; a virial parameter distinctly lower than 1;
a velocity field consistent with models of globally collapsing
molecular clouds; accretion rates that are high enough to pro-
vide an additional 750(±300) M� of pristine gas to the central
pc-size region of SDC335 per cloud free-fall time. Altogether,
these observations strongly suggest that the SDC335 massive
star-forming cores managed to build-up their large masses as
a result of the supersonic global collapse of their surrounding
cloud.

It is always adventurous to draw general conclusions based
on a single example. However, there are several sources now for
which large-scale infall has been suggested to play a major role
in building up the mass of star-forming cores (e.g. Peretto et al.
2006; Schneider et al. 2010; Barnes et al. 2010; Galván-Madrid
et al. 2010; Liu et al. 2012). Global infall also naturally explains
the mass segregation observed in SDC335 and other regions.
Although a number of questions remain to be answered, it is
becoming clear that large-scale evolution of molecular clouds is
the key to the mass determination process of massive stars.
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Figure 1. MIPSGAL 24 µm mosaic image with positions of the 488 YSOs in the final sample overlaid. Colors identify YSO evolutionary stages—red: Stage 0/I;
yellow: Stage II; green: Stage III; cyan: ambiguous. YSOs with 4.5 µm excess emission are highlighted with white diamonds.

cloud sample analyzed by P09. We thereby split the initial
sample into a clustered population (∼65%) comprised of YSOs
associated with M17 SWex and a distributed component (∼35%)
dominated by unassociated contaminants.

3. RESULTS

3.1. Final YSO Sample

The clustered population of 488 sources comprises our final
YSO sample. The YSOs exhibit a highly structured spatial
distribution, strongly clustered along the IRDC filaments with
numerous sub-clusters (Figure 1). Using the set i of well-fit
models for each YSO (defined by χ2

i − χ2
min ! 2Ndata), we

construct probability distributions of bolometric luminosity Lbol,
mass of central star M⋆, and evolutionary stage (see P09 for
details). We allowed the model fitting tool to accept a range of
distances from 1.9 to 2.3 kpc, hence incorporating the uncertain
distance to the M17 complex into the uncertainties on the
resultant model parameters (P09). The results for each source
are summarized in Table 1. The final sample includes 133 Stage
0/I, 276 Stage II, 4 Stage III, and 75 YSOs with ambiguous
stage. The paucity of Stage III objects is a selection effect
and suggests that virtually all of the ambiguous sources are
ambiguous between Stages 0/I and II. Stage 0/I objects are
more tightly clustered than are Stage II, supporting the idea that
the stages represent an evolutionary sequence. The high fraction
of Stage 0/I sources (N0I/NII ≈ 0.5) confirms the extreme youth
of the population.

Among the final sample, 68 YSOs exhibit excess 4.5 µm
emission over the best-fit YSO model. These may be unresolved
analogs of the “extended green objects” (EGOs), candidate
accretion-powered young massive stellar outflows (Cyganowski
et al. 2008). The RW06 models do not include outflows, which
can produce strong molecular line emission in the 4.5 µm band.
We set the 4.5 µm fluxes to upper limits for the SED fitting
in these cases. The majority of 4.5 µm excess sources are
associated with tight clusters of Stage 0/I YSOs (Figure 1
and Table 1). Two such groups coincide with known EGOs
(G014.33−0.64 and G014.63−0.58; Cyganowski et al. 2008).

Figure 2. YMF plot (histogram points with error bars). Two IMFs are
overplotted: power-law fit to the high-mass tail of the YMF (m ! 4 M⊙; red)
and Kroupa (2001) IMF scaled to match the YMF peak at ∼3.2 M⊙ (dotted
line). The IMFs intersect at Mc = 3.9 M⊙ (dashed line).

3.2. Observed YSO Mass Function

Given the GLIMPSE sensitivity limits and the 2.1 kpc
distance to M17, our YSO sample is nearly complete for
m = M⋆ " 3 M⊙, corresponding to main-sequence spectral
types earlier than A0 (P09). For this mass range, the pre-
main-sequence evolutionary tracks are horizontal (Bernasconi &
Maeder 1996; Siess et al. 2000), and YSOs follow the zero-age
main-sequence mass–luminosity relation (Kang et al. 2009).

Summing the probability distributions of M⋆ from the model
fits to each YSO, we construct the YSO mass function (YMF;
P09) for the 488 sources in our final sample (Figure 2). The YMF
has the same form as the stellar initial mass function (IMF),

Φ(log m) = dN/d log m ∝ m−Γ, (1)

where dN is the number of stars in the (logarithmic) mass
interval (log m, log m + d log m) and Γ is the power-law “slope”
(Bastian et al. 2010). Measurements of the IMF over a wide
variety of environments, from young open clusters to field
stars, have found the slope to be remarkably consistent with
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Figure 10. Candidate YSOs exhibiting significant clustering (see text). Circles mark YSO positions and are color-coded according to evolutionary stage as in Figure 3.
The 8 µm image and CO contours are the same as in Figure 8 (bottom). The thick white boundary lines enclose the CO emission and pass through breaks in the spatial
distribution of YSOs. The thick white rectangle shows the field that has been observed by Chandra, within which bright diffuse mid-IR background emission severely
affects the IRAC point-source sensitivity. Green rectangles show the fields enlarged in Figures 12 and 13.

by this procedure was generally insensitive to the choice of N for
N > 3, while the uncertainty in f creates a ∼20% uncertainty
on the total number of sources selected. The final sample of
candidate YSOs shown outside the white rectangle in Figure 10
was selected using N = 5, for which Θcon = 4.′28. For the cen-
tral parts of M17 we did not correct for contaminants because
our control field is unsuitable, as noted above. The 34 candi-
date YSOs found within the white rectangle in Figure 10 are
presented in Table 4. Excluding these 34 sources, we have dis-
carded 197/372 = 0.47 of the sources from the original target
sample. Given that we expect a fraction f 2 ∼ 100/205 = 0.49
of the sources in the target sample to be contaminants (Table 1),
our cluster-finding procedure has succeeded in removing the
expected contamination.

After correcting for contaminants the final M17 YSO sub-
sample contains 96 sources (Tables 2 and 4). Two main con-
centrations of candidate YSOs within the final subsample are
apparently associated with M17 EB and the M17 H ii region,
respectively (Figure 10). The final subsample excludes 135 can-
didate YSOs (Table 3) that either are unassociated with M17 or
are associated with the extended molecular cloud complex to
the southwest (Elmegreen & Lada 1976; Sanders et al. 1986).
YSOs in the latter group are at the same distance as M17 and
are associated with the M17 complex, but they belong to an
additional extended YSO population that is beyond the scope of
this work.

4.2. Star Formation in M17 EB and MC G15.9−0.7

4.2.1. YSO Mass Function

We constructed a mass function for the observed YSO
population following a procedure employed previously by
Shepherd et al. (2007) and Whitney et al. (2008). Using
Equation (2), we assigned a χ2-weighted probability for the
stellar mass M⋆ of each well-fit model to a given candidate
YSO. By summing over the probabilities of all well-fit models
(defined by Equation 1) and normalizing to unity, we derived
a probability distribution of M⋆ for each candidate YSO. This
procedure is similar to that employed to find the probability

Figure 11. Mass function of the 62 candidate YSOs found inside the white
boundary lines but outside the white rectangle in Figure 10 (histogram with
error bars). The Orion Trapezium cluster IMF (Muench et al. 2002) has been
scaled to match the mass function for ∼3 M⊙ < M⋆ < 8 M⊙ (heavy curve with
dash-dotted curves showing uncertainty envelopes).

distributions of evolutionary stage (Section 3.1), but a finer
binning was used. Results of fitting models to 62 sources in
the extended M17 region (within the white boundary lines in
Figure 10 but excluding the white rectangle) are presented
in Table 2. Ranges giving 95% confidence intervals for M⋆

and LTOT (total bolometric luminosity, including luminosity
produced by accretion) for each candidate YSO are listed in
Table 2. Summing the probability distributions of M⋆ over the
62 sources in Table 2 produces the YSO mass function (YMF)
plotted in Figure 11.

The YMF in Figure 11 exhibits, for intermediate-mass
sources, the ubiquitous Salpeter (1955) power-law slope. The
turnover for M⋆ ! 3 M⊙ is not a real break in the YMF but
instead reflects the incompleteness of our YSO sample with

Salpeter

M17

Povich & Whitney 2010; Povich et al. 2009
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Figure 2. Top left: combined NH3 (1,1) integrated intensity (contours) overlaid on the 8 µm Spitzer image (color scale). The contour levels range from 3 to 18 in
steps of 3, and from 18 to 58 in steps of 10 times the rms noise of the map, 9 mJy beam−1 km s−1. The dashed line indicates 50% of the sensitivity level of the VLA
mosaic. The gray lines are the polarization vectors of the near-infrared (H-band) observations (G. Busquet et al., in preparation) with the scale shown in the top right
corner. Top right: combined NH3 (2,2) integrated intensity (gray scale and black contours) overlaid on the 870 µm continuum from LABOCA bolometer at the APEX
telescope (gray contours; Busquet 2010). The contour levels for NH3 (2,2) range from 2 to 10 in steps of 2, and from 10 to 60 in steps of 5 times the rms noise of
the map, 9 mJy beam−1 km s−1. The contour levels for 870 µm emission range from 3 to 53 in steps of 10, and from 53 to 653 in steps of 100 times the rms of the
map, 25 mJy beam−1. The NH3 and 870 µm continuum synthesized beams are shown in the bottom left and bottom right corners, respectively. Bottom: contours:
zero-order moment map of NH3 (1,1). Color scale: NH3 (1,1) first-order moment map (left) and second-order moment map (right). Units are km s−1. Stars indicate
IRAS sources in the field, and crosses mark the position of H2O maser (Wang et al. 2006). The most prominent filaments are indicated with white/black lines and
labeled according to its position angle. Arrows in the bottom right panel mark the positions of the NH3 (1,1) spectra shown in Figure 3.
(A color version of this figure is available in the online journal.)
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steps of 3, and from 18 to 58 in steps of 10 times the rms noise of the map, 9 mJy beam−1 km s−1. The dashed line indicates 50% of the sensitivity level of the VLA
mosaic. The gray lines are the polarization vectors of the near-infrared (H-band) observations (G. Busquet et al., in preparation) with the scale shown in the top right
corner. Top right: combined NH3 (2,2) integrated intensity (gray scale and black contours) overlaid on the 870 µm continuum from LABOCA bolometer at the APEX
telescope (gray contours; Busquet 2010). The contour levels for NH3 (2,2) range from 2 to 10 in steps of 2, and from 10 to 60 in steps of 5 times the rms noise of
the map, 9 mJy beam−1 km s−1. The contour levels for 870 µm emission range from 3 to 53 in steps of 10, and from 53 to 653 in steps of 100 times the rms of the
map, 25 mJy beam−1. The NH3 and 870 µm continuum synthesized beams are shown in the bottom left and bottom right corners, respectively. Bottom: contours:
zero-order moment map of NH3 (1,1). Color scale: NH3 (1,1) first-order moment map (left) and second-order moment map (right). Units are km s−1. Stars indicate
IRAS sources in the field, and crosses mark the position of H2O maser (Wang et al. 2006). The most prominent filaments are indicated with white/black lines and
labeled according to its position angle. Arrows in the bottom right panel mark the positions of the NH3 (1,1) spectra shown in Figure 3.
(A color version of this figure is available in the online journal.)

3

NH3 (1,1) 1pc



ALMA Mosaic Observations
Two mosaic fields in 
Band 3 

Beam~3” (~ 0.03 
pc) 

12m + ACA + TP 
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(1-0)    

Spectral resolution 
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hub-S�
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Fig. 1.— (Left) Three color images taken by Spitzer (red/green/blue = 24/8/3.6 µm) show the G14.2 region. The white contours show
the NH3 (J = 1, 1) velocity-integrated intensities from Busquet et al. (2013). The lowest contour and the contour step are 3σ. The 1σ
noise level for the contour is 0.024 Jy km s−1. The integrated velocity range for the molecular line is from 20 to 28 km s−1. The white
circles show the observed field of ALMA. (Right) APEX-LABOCA 870 µm continuum emission, indicating the most prominent filaments
with black lines (Busquet et al. 2013). The APEX beam of 22′′ is shown in the bottom-left corner of the image.

al. (2002) derived the Orion Trapezium cluster IMF from
the K-band luminosity function and found γ = 2.1 above
0.6 M⊙.

On studies of the mass function of IRDCs, Ragan et
al. (2009) have identified clumps (∼ 0.1 pc) and inves-
tigated their mass distribution. They found a slope of
1.76 for masses from 30 to 3000 M⊙. Rathborne et
al. (2006) also found a slope of 2.1 above ∼ 100 M⊙.
These power-law indices are consistent with that of the
IMF. It has also been suggested that the CMF is simi-
lar in shape to the IMF (Nakano et al. 1995; Motte et
al. 1998, 2001; Alves et al. 2007; Könyves et al. 2010;
Rodón et al. 2012). Similar shapes of mass function for
IRDC clumps/cores and stars may suggest that clumps
and cores lead to the origin of the IMF. However, if these
clumps and cores fragment further, the mass spectrum
may steepen and change shape at small core scales. In
recent ALMA observations, Zhang et al. (2015) investi-
gated the mass distributions of dense cores in the massive
filamentary IRDC G28.34+0.06, clump P1, with subso-
lar mass sensitivities. However, they found a lack of a
low-mass population compared with the Salpeter IMF.
Whether the core mass function is related with the YMF
or IMF remains an open question. More observational
data will help to develop a theory for cluster formation.
The relation between the CMF and IMF can allow us to
improve our understanding of star formation. Alves et
al. (2007) have shown a CMF with a single power law
and similar to the IMF, but scaled to a higher mass by a
factor of about 3. They suggest that the IMF is the di-
rect product of the CMF, which means stars are formed
in dense cores one by one at a uniform star-formation

efficiency of 30%. It is quite important to investigate
the relation of the CMF, YMF, and IMF in high-mass
star-forming regions such as hub-filament systems.

The IRDC G14.225-0.506 (hereafter G14.2), also
known as M17 SWex (Povich & Whitney 2010; Povich
et al. 2016), is one of the prominent IRDCs in the
Galaxy, which is located southwest of the M17 region
(Figure 1). M17 is a well-known HII region excited by
the high-mass cluster NGC 6618 (Chini & Hoffmeister
2008). Elmegreen & Lada (1976) discovered these molec-
ular clouds as an extended very large massive molecular
cloud. Recent measurements of parallaxes and proper
motions using CH3OH masers determine a distance of
1.98 kpc (Xu et al. 2011; Wu et al. 2014). Busquet et
al. (2013) observed this region in NH3 (1,1) and (2,2)
lines with the Very Large Array (VLA) and Effelsberg
100m telescope. They identified a network of filaments
constituting two hub-filament systems (Figure 1). The
average rotation temperature in these hub regions was
derived to be ∼ 15 K. Povich & Whitney (2010) per-
formed a YSO survey toward this region by analyzing
the Spitzer GLIMPSE and MIPSGAL data. Their YSO
mass function is significantly steeper than the Salpeter
IMF, suggesting that massive stars are absent in G14.2.
Assuming G14.2 will also form an OB association with
a normal IMF, high-mass stars must be formed at later
times than low-mass stars in this region. To better char-
acterize this region, we investigate whether the CMF of
G14.2 is more similar to the Salpeter IMF or the YMF.
We will follow the nomenclature of Zhang et al. (2009,
2014) and refer to clumps as an entity of ! 1 pc and a
dense core as an entity of 0.01 − 0.1 pc.

Ohashi, Sanhueza, Chen et al. 2016, ApJ, 833, 209



Core Properties
Decreasing viral parameter from filaments to clumps to cores 

Lack of massive cores (Mcore < 22 M⊙)

4.2. Star Formation in G14.2

Assuming that the final stellar mass function in G14.2
follows the Salpeter IMF, Povich et al. (2016) suggest that the
massive cores are still in the process of accreting sufficient
mass to form massive clusters hosting O stars and high-mass
stars may be formed later (as also has been speculated in IRDC
G34.43+00.24: Foster et al. 2014).

On the contrary, G28.34+0.06 shows a significant deficit of
low-mass core population around high-mass protostellar cores
(Zhang et al. 2015). This disagreement can coincide if the low-
mass stars at early times are formed in the outskirts of clumps,
although this scenario was already suggested as less likely in
G28.34+0.06 (Zhang et al. 2015). Using deep near-infrared
observations with adaptive optics, Foster et al. (2014)

discovered a distributed population of low-mass protostars
within the filamentary IRDC G34.43+00.24 (located between
clumps). It could also be the case that deep near-infrared
observations could reveal low-mass protostars in the outskirts
of G28.34+0.06, which could follow global collapse and move
closer to the center of the clump.
To estimate the “expected” IMF and maximum stellar mass

in the G14.2 region observed with ALMA, we estimate the
total gas mass and use the empirical relation of Larson (2003).
Using the 870 μm continuum images obtained by APEX
(Figure 1), the total mass of G14.2 within the ALMA fields is
∼5800 :M , assuming a temperature of 13 K (the average
temperature of the APEX clumps) and a dust opacity of
1.64 g cm−1 at 870 μm by using Equation (2).

Table 2
Physical Parameters of Dense Clumps

Clump R.A. Decl. Speak Sint Td
a Mass Size r Dvb avirial Field

(h:m:s) (d:m:s) (Jy beam−1) (Jy) (K) ( :M ) (″ × ″) (pc) (km s−1)

1 18:18:12.6 −16:49:34 6.41 35.6 17 1400 53×85 0.32 2.57±0.29 0.33 hub-N
2 18:18:13.2 −16:57:22 4.47 25.3 17 960 79×48 0.30 3.83±0.99 0.95 hub-S
3 18:18:11.2 −16:52:34 1.48 5.1 18 180 39×37 0.18 1.59±0.20 0.55 N
4 18:18:07.9 −16:51:22 1.23 8.1 13 450 39×55 0.22 1.73±0.30 0.31 N
5 18:18:05.7 −16:58:18 1.11 7.7 11 620 50×53 0.25 1.88±0.28 0.30 S
6 18:18:05.9 −16:58:54 1.01 4.6 11 370 51×29 0.18 1.81±0.25 0.35 S
7 18:18:11.5 −16:51:42 1.01 5.2 18 180 52×51 0.25 2.54±0.27 1.9 N
8 18:18:04.8 −16:51:42 0.95 6.3 13 360 35×61 0.22 1.94±0.23 0.50 N
9 18:18:19.6 −16:55:58 0.58 3.9 11 310 50×54 0.25 2.79±0.32 1.3 S
10 18:18:05.1 −16:53:46 0.57 1.6 18 55 28×45 0.17 1.70±0.21 1.9 N
11 18:18:21.0 −16:56:38 0.49 2.5 11 200 39×40 0.19 2.99±0.28 1.8 S
12 18:18:25.2 −16:56:30 0.49 1.6 11 130 24×31 0.13 2.39±0.48 1.2 S
13 18:18:08.7 −16:56:30 0.49 2.5 11 200 59×32 0.21 2.03±0.23 0.90 S
14 18:18:25.7 −16:54:02 0.44 1.0 11 78 29×23 0.12 1.87±0.21 1.2 S
15 18:18:27.1 −16:55:30 0.43 1.4 11 110 37×25 0.15 1.72±0.20 0.82 S
16 18:18:04.5 −16:59:50 0.4 2.4 11 190 35×62 0.22 1.14±0.18 0.32 S
17 18:18:09.8 −16:53:58 0.39 1.3 18 45 28×32 0.14 1.54±0.19 1.6 N
18 18:18:01.5 −16:57:42 0.33 0.9 11 68 34×27 0.14 2.26±0.33 2.3 S

Notes.
a For dust temperature, we use the kinetic temperature from Busquet et al. (2013).
b The linewidths are measured from NH3 ( J, K=1, 1) observations (Busquet et al. 2013).

Figure 6. Virial parameter, α, vs. sizes/lengths. Filled and open circles
indicate the prestellar and protostellar cores identified with ALMA. Open
squares indicate the APEX clumps. Crosses indicate the parent filaments.

Figure 7. Cumulative mass function of prestellar core candidates identified in
G14.2 with ALMA. The data are plotted in logarithmic scales. The black and
green dashed lines represent the expected cumulative Salpeter IMF assuming
the SFE of 10% and 30%, respectively.

9

The Astrophysical Journal, 833:209 (11pp), 2016 December 20 Ohashi et al.

Ohashi, Sanhueza, Chen et al. 2016, ApJ, 833, 209



G14.2 N2H+ (1-0) Maps
Trace hubs and filaments well  
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Example Spectral Fits
Extract kinematics pixel by pixel  

Isothermal along LOS, LTE 

Fit 7 HFS and large optical depth  

Extract ~28,000 pixels
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Large-scale Kinematics
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Slow Inflow along Filaments
Slow inflow along the filaments with multiple velocity 
components of short “ribbon-like” sub-filaments (Hacar et al. 2013)    

Hubs show multiple velocity components, not yet virialized
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Transonic Subfilaments

Unlike NH3, non-thermal line width of N2H+ in filaments are 
generally transonic/subsonic, σNT/cs ~ 1
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Summary
ALMA observations of N2H+ (1-0) and HNC (1-0) in 
the filamentary IRDC G14.225-0.506  

Kinematics of N2H+ show transonic sub-filaments 
and a slow inflow along filaments toward hubs, 
where virialization is not yet established  

Combine ALMA TP data in progress  

Investigating various algorithms in miriad and casa   

More 12m and ACA data on the way  

Stay tuned …


